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ABSTRACT
We present the merger rate density of Population (Pop.) III binary black holes (BHs) by means of a
widely-used binary population synthesis code BSE with extensions to very massive and extreme metal-
poor stars. We consider not only low-mass BHs (lBHs: 5 − 50M) but also high-mass BHs (hBHs:
130−200M), where lBHs and hBHs are below and above the pair-instability mass gap (50−130M),
respectively. Pop. III BH-BHs can be categorized into three subpopulations: BH-BHs without hBHs
(hBH0s: mtot . 100M), with one hBH (hBH1s: mtot ∼ 140− 260M), and with two hBHs (hBH2s:
mtot ∼ 270 − 400M), where mtot is the total mass of a BH-BH. Their merger rate densities at the
current universe are ∼ 0.1 yr−1 Gpc−3 for hBH0s, and ∼ 0.01 yr−1 Gpc−3 for the sum of hBH1s
and hBH2s, using pessimistic Pop. III star formation model. These rates are modestly insensitive to
initial conditions and single star models. The hBH1 and hBH2 mergers can dominate BH-BHs with
hBHs discovered in near future. They have low effective spins . 0.2 in the current universe. The
number ratio of the hBH2s to the hBH1s is high, & 0.1. We also find BHs in the mass gap (up to
∼ 85M) merge. These merger rates can be reduced to nearly zero if Pop. III binaries are always wide
(& 100R), and if Pop. III stars always enter into chemically homogeneous evolution. The presence of
close Pop. III binaries (∼ 10R) are crucial for avoiding the worst scenario.
Keywords: stars: binaries: close – stars: black holes – stars: Population III – gravitational waves
1. INTRODUCTION
In 2015, gravitational wave (GW) observatories,
LIGO, have first detected GWs, and the GWs have
come from a merger of two black holes (BHs) (Abbott
et al. 2016). Since then, GW observatories, LIGO and
Virgo, have continuously discovered a large number of
BH-BH mergers, and have published 11 BH-BH mergers
with detail information, such as their masses, distances,
spin magnitudes, and spin-orbit misalignments as of
June 2020 (Abbott et al. 2019b; The LIGO Scientific
Collaboration et al. 2020a,b). Moreover, research groups
other than LIGO-Virgo collaboration have found other
BH-BHs (Zackay et al. 2019; Venumadhav et al. 2020).
Many of them contain BHs with ∼ 30M, significantly
more massive than BHs in X-ray binaries discovered pre-
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viously, . 15M (e.g. Casares et al. 2017). Thus, the
origin(s) of merging BH-BHs have been controversial.
Many formation scenarios of merging BH-BHs have
been currently suggested. Population (Pop.) I/II bina-
ries evolve to merging BH-BHs through common enve-
lope evolution (Bethe & Brown 1998; Belczynski et al.
2002, 2014, 2016a, 2020a; Dominik et al. 2012, 2013;
Mennekens & Vanbeveren 2014; Spera et al. 2015, 2019;
Eldridge & Stanway 2016; Eldridge et al. 2017, 2019;
Mapelli et al. 2017; Mapelli & Giacobbo 2018; Mapelli
et al. 2019; Stevenson et al. 2017; Giacobbo & Mapelli
2018; Kruckow et al. 2018). Close binaries can also form
merging BH-BHs through chemically homogeneous evo-
lution (CHE) (de Mink et al. 2009; Mandel & de Mink
2016; Marchant et al. 2016; du Buisson et al. 2020).
Dynamical interactions in globular clusters (GCs) raise
merging BH-BHs (Portegies Zwart & McMillan 2000;
Downing et al. 2010; Tanikawa 2013; Rodriguez et al.
2016a; Bae et al. 2014; Rodriguez et al. 2016b, 2018b,a;
Fujii et al. 2017; Askar et al. 2017; Park et al. 2017;
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2Samsing & Ramirez-Ruiz 2017; Samsing 2018; Samsing
et al. 2018; Hong et al. 2018). In open clusters, merging
BH-BHs are formed by combination of common enve-
lope evolution and dynamical interactions (Ziosi et al.
2014; Mapelli 2016; Banerjee 2017, 2018a,b; Kumamoto
et al. 2019, 2020; Di Carlo et al. 2019a,b, 2020; Rastello
et al. 2019). Dynamical interactions can form merging
BH-BHs also in galactic centers (O’Leary et al. 2009;
Antonini & Perets 2012; VanLandingham et al. 2016;
Antonini & Rasio 2016; Bartos et al. 2017; Petrovich
& Antonini 2017; Stone et al. 2017; Hoang et al. 2018;
Hamers et al. 2018; McKernan et al. 2018; Leigh et al.
2018; Yang et al. 2019; Rasskazov & Kocsis 2019; Trani
et al. 2019; Tagawa et al. 2019, 2020; McKernan et al.
2020; Arca Sedda 2020; Mapelli et al. 2020). Merging
BH-BHs can emerge through secular evolution in sta-
ble triple systems (TSs), and quadruple systems (QSs)
(Antonini et al. 2014; Silsbee & Tremaine 2017; Antonini
et al. 2017; Rodriguez & Antonini 2018; Liu & Lai 2019;
Fragione & Kocsis 2019; Hamers & Safarzadeh 2020;
Fragione et al. 2020). Although merging BH-BHs orig-
inate from astrophysical objects in the above scenarios,
even primordial BHs, made from dark matter, can gen-
erate merging BH-BHs (Sasaki et al. 2016).
Pop. III binary stars, which are formed from primor-
dial gas at the high-redshift universe, can also raise
merging BH-BHs. The typical BH mass is ∼ 30M,
larger than Pop. I/II BH-BHs (Kinugawa et al. 2014).
This is not because Pop. III stars have a top-heavy ini-
tial mass function (IMF), but because Pop. III binaries
tend to experience stable mass transfer owing to their ra-
diative envelopes (Kinugawa et al. 2016a; Inayoshi et al.
2017). This argument is also robust against uncertain-
ties of binary evolutions, such as efficiencies of mass
transfer, mass accretion, common envelope, and tidal
interaction (Kinugawa et al. 2020a). Since the typical
BH mass is consistent with observed BH-BH masses,
Pop. III binaries can be one of their promising origins.
There are some objections of Pop. III BH-BH mod-
els. Pop. III BH-BHs might not be a dominant ori-
gin of observed BH-BHs due to their small formation
rate (Hartwig et al. 2016; Belczynski et al. 2017). How-
ever, Kinugawa et al. (2020a) have shown the merger
rate of Pop. III BH-BHs is comparable to the merger
rate inferred from LIGO/Virgo observations. Even if
Pop. III BH-BH might not be dominant, it should be
worth while to identify Pop. III BH-BHs from observed
BH-BHs. Pop. III stars are key ingredients of the cosmic
dawn, the reionization of the universe, the beginning of
stellar nucleosynthesis, and so on. Despite of their im-
portance, Pop. III stars are not directly observed (Ryd-
berg et al. 2013). Since Pop. III stars are typically mas-
sive stars, 10 − 1000M (Omukai & Nishi 1998; Abel
et al. 2002; Bromm & Larson 2004; Yoshida et al. 2008;
Hosokawa et al. 2011; Stacy et al. 2011, 2012; Bromm
2013; Susa 2013; Susa et al. 2014; Hirano et al. 2015),
they are short-lived, and located at the high-redshift
universe. They can be observed only by ultimately
large telescopes (e.g. Schauer et al. 2020). Although
some of Pop. III stars can be formed as low-mass and
long-lived stars (Nakamura & Umemura 2001; Machida
et al. 2008; Clark et al. 2011a,b; Greif et al. 2011, 2012;
Machida & Doi 2013; Susa et al. 2014; Chiaki et al.
2016), they have not yet been observed (Frebel & Norris
2015). Although extreme metal-poor (EMP) stars might
be Pop. III stars metal-polluted by accreting interstellar
medium (Komiya et al. 2015), many studies have sug-
gested EMP stars are not polluted Pop. III stars, since
such accretion can be blocked by stellar winds of low-
mass Pop. III stars (Tanaka et al. 2017; Suzuki 2018).
Interstellar asteroids cannot pollute Pop. III stars up to
EMP stars (Tanikawa et al. 2018; Kirihara et al. 2019).
In this paper, we predict properties of Pop. III BH-
BHs to identify them from BH-BHs observed by current
and future GW observatories. Although the current GW
observatories can observe BH-BHs within redshift (z)
of . 1, future ground-based GW observatories, such
as Einstein telescope (Punturo et al. 2010; Maggiore
et al. 2020) and Cosmic explorer (Reitze et al. 2019),
will detect BH-BHs up to z ∼ 10. A future space-borne
GW observatory LISA (eLISA Consortium et al. 2013)
is expected to catch Pop. III BH-BHs (e.g. Sesana et al.
2009). Another space-borne GW observatory DECIGO
(Kawamura et al. 2006) can follow the cosmic evolution
of BH-BHs, and distinguish Pop. III BH-BHs (Naka-
mura et al. 2016).
So far, Kinugawa et al. (2014) have shown that
Pop. III BH-BHs have typically ∼ 30M, and Kinu-
gawa et al. (2020a) have shown its robustness against
binary star evolution models. In this paper, we focus on
the dependence of Pop. III BH-BHs on initial conditions
and single star evolution models. Previous studies have
assumed that Pop. III binaries can have initial separa-
tions comparable to their stellar radii at their zero-age
main-sequence (ZAMS) times. As well as this case, we
also consider Pop. III binaries with the minimum sepa-
ration of ∼ 100R. Pop. III binaries may not be initially
compact, since Pop. III stars can expand to & 100R at
their protostellar phases (Stahler et al. 1986; Omukai &
Palla 2001, 2003). Although previous studies have not
taken into account stellar winds, we account for stel-
lar winds, which are excited by stellar rotations (Yoon
et al. 2012). Moreover, we set the maximum ZAMS
mass to 300M, while previous studies do to 150M.
3This maximum mass is reasonable according to recent
numerical simulations (Susa et al. 2014; Hirano et al.
2014, 2015). Since such massive stars can overcome pair
instability supernovae (PISNe) (Barkat et al. 1967; Fra-
ley 1968; Bond et al. 1984; El Eid & Langer 1986; Fryer
et al. 2001; Heger & Woosley 2002; Umeda & Nomoto
2002), we can get BHs with & 100M. Eventually, we
show properties of Pop. III BH-BHs with several 10 and
100M, and discuss how to identify them from other
BH-BHs by current and future GW observatories.
Belczynski et al. (2004) have investigated the forma-
tion of BH-BHs from Pop. III stars with 100− 500M.
Due to the IMF, they have not investigated a BH-BH
consisting of a BH overcoming PISN, and a BH not over-
coming PISN. Moreover, studies of Pop. III stars have
rapidly developed in this decade (see Dayal & Ferrara
2018, for review). We can reflect these achievements.
Liu & Bromm (2020) have studied Pop. III BH-BHs
formed by dynamical interactions. On the other hand,
we focus on Pop. III BH-BHs formed through binary
evolution. These studies should be complementary.
The structure of this paper is as follows. In section 2,
we describe our method. In section 3, we show the cal-
culation results. In section 4, we consider how to iden-
tify Pop. III BH-BHs from other BH-BHs observed by
current and future GW observatories. In section 5, we
discuss about effects we do not examine in section 3. In
section 6, we summarize this paper.
2. METHOD
We perform calculations of binary population synthe-
sis by means of the BSE code (Hurley et al. 2000, 2002)
with extensions to very massive and EMP stars includ-
ing Pop. III stars. In sections 2.1 and 2.2, we present
single and binary star models in our BSE code, respec-
tively. In section 2.3, we show our initial conditions of
binaries. In section 2.4, we describe parameter sets of
our calculation runs. In section 2.5, we give our Pop. III
formation model to derive the merger rate of Pop. III
BH-BHs.
2.1. Single star model
We use fitting formulae for stars with stellar metal-
licity Z = 10−8Z incorporated into BSE (Tanikawa
et al. 2020b). The fitting formulae are based on sim-
ulation results of Z = 10−8Z stars from 8M to
1280M by means of the HOSHI code (Takahashi et al.
2016, 2018, 2019; Yoshida et al. 2019). They consist
of luminosity (L), radius (R), helium (He) core mass
(Mc,He), and carbon-oxygen (CO) core mass (Mc,CO)
as functions of time and stellar mass (M). They fol-
low stellar evolutions from the ZAMS time to the car-
bon ignition time during which stars experience main-
sequence (MS), core He-burning (CHeB), and shell He-
burning (ShHeB) phases. If stars lose their hydrogen
(H) envelopes through stellar wind mass loss and bi-
nary interactions, we adopt fitting formulae of naked
He (nHe) stars derived in Hurley et al. (2000). Fig-
ure 1 shows Hertzsprung-Russell diagram of stars with
M = 10− 1280M at intervals of 21/2, where we do not
account for stellar winds. Stars with 10 . M/M . 50
end their lives with blue-supergiant (BSG) stars with
temperature of & 103.65 K. Stars with 50 . M/M .
640 become red-supergiant (RSG) stars when they are
in their CHeB/ShHeB (or Post-MS) phases. Stars with
M/M & 640 are still in their MS phases, when they
become RSG stars.
Figure 1. Hertzsprung-Russell diagram of stars with M =
10−1280M at intervals of 21/2 from bottom to top. Stellar
winds are not taken into account. Gray dashed lines indicate
stellar radii of 1, 10, 102, 103, and 104R from left to right.
Colors indicate stellar phases: MS (blue), CHeB (green), and
ShHeB (red).
Tanikawa et al. (2020b) have devised the fitting formu-
lae of stars with M ≤ 160M, and have compared the
fitting formulae with detail simulation results obtained
by the HOSHI code. Here, we make similar comparisons
for M/M = 320, 640, and 1280 in Figure 2. The lumi-
nosities and He core masses are in good agreement with
each other. The He core masses of the fitting formulae
grow later than those of the simulation results. This is
because we assume the He core masses are zero when
stars are in their MS phases. The radii of the fitting
formulae deviate from those of the simulation results in
the middle of the evolution. However, these deviations
should have small effects on binary evolutions, since the
minimum and maximum radii for each MS, CHeB and
ShHeB phase are consistent with each other. In partic-
ular, it is important that the maximum radii of stars
4(i.e. the maximum radii of ShHeB phases) are consis-
tent between the fitting formulae and simulation results.
The maximum radii decide whether binary stars interact
with each other, or not.
Figure 2. Time evolution of luminosities, radii, and He
core masses for stars with M = 320, 640, and 1280M. Black
curves indicate data of detail simulations, and colored curves
indicate our fitting formulae. The color codes are the same
as in Figure 1. More massive stars have larger values for all
the quantities.
We take into account stellar wind mass loss in a post-
processing way. The wind model is based on Belczynski
et al. (2010) with modification of luminous-blue-variable
(LBV) wind, and enhancement through stellar rotations.
For no rotating stars, the stellar wind mass loss is ex-
pressed as
M˙wind
=

max(M˙NJ, M˙OB) (MS)
max(M˙NJ, M˙OB, M˙R, M˙WR, M˙LBV) (CHeB)
max(M˙NJ, M˙OB, M˙R, M˙WR, M˙LBV, M˙VW) (ShHeB)
max(M˙R, M˙WR) (nHe)
,
(1)
where M˙NJ, M˙OB, M˙R, M˙WR, M˙LBV, and M˙VW are mass
loss of luminous stars (Nieuwenhuijzen & de Jager 1990;
Kudritzki et al. 1989), hot massive H-rich stars (Vink
et al. 2001), giant-branch stars (Kudritzki & Reimers
1978; Iben & Renzini 1983), Wolf-Rayet stars (Hamann
& Koesterke 1998; Vink & de Koter 2005), LBV stars
(Humphreys & Davidson 1994), and asymptotic giant
branch (AGB) stars (Vassiliadis & Wood 1993). The
expressions of M˙NJ, M˙OB, M˙R, M˙WR, and M˙VW are the
same as Eqs. (56), (57), (58), (59), and (61) in Tanikawa
et al. (2020b). We modify the expression of M˙LBV as
M˙LBV
M yr−1
=
{
1.5× 10−4(Z/Z)0.86 (L > 6× 105L, and xLBV > 1)
0 (otherwise),
,
(2)
where xLBV = 10
−5(R/R)(L/L)0.5. The expression
is the same as Belczynski et al. (2010) except for the
metallicity dependence, and the metallicity dependence
is the same as MOBSE2 (Giacobbo et al. 2018).
The stellar wind can be enhanced by stellar rotation.
We include the enhancement as follows:
M˙wind,rot = min
[
M˙wind (1− vrot/vcrit)−0.43 , 0.1M/tKH
]
(3)
vcrit =
√
GM(1− L/LEdd)/R (4)
(Yoon et al. 2010, 2012; Takahashi et al. 2018), where
G, vrot, tKH, and LEdd are the gravitational constant,
the stellar surface rotation velocity, Kelvin-Helmholtz
timescale, and Eddington luminosity, respectively. We
adopt LEdd = 3.7 × 104(M/M)L for stars in MS,
CHeB, and ShHeB phases. We put an upper limit on L
for nHe stars, such that L ≤ 0.99LEdd, where we adopt
LEdd = 6.3 × 104(M/M)L for nHe stars. Note that
LEdd of nHe stars is larger than those of MS, CHeB, and
ShHeB stars due to smaller opacity of electron scatter-
ing.
We put such an upper limit on luminosities of nHe
stars for the following reason. We infer luminosity of
nHe stars from our fitting formulae of ShHeB stars.
Since a ShHeB star with M = 320M has a He core
with 180M, and its luminosity is at most 107L (see
Figure 2), a nHe star with 180M should have luminos-
ity of 107L. Thus, this nHe star should not exceed the
Eddington luminosity of nHe stars. When we apply this
inference to stars with various M , we find that nHe stars
with . 300M do not exceed the Eddington luminosity
according to our fitting formulae. We have confirmed
this inference by performing simulations of non-rotating
nHe stars with 50, 100, 200, and 320M and a 200M
star with the initial rotating velocity of 0.1vk, where
5vk =
√
GM/R is the Kepler velocity, with the HOSHI
code. These stars do not exceed their Eddington lim-
its, and lose little mass through rotationally enhanced
stellar winds. On the other hand, the fitting formu-
lae of nHe stars in Hurley et al. (2000) are made from
nHe star models with M = 0.32− 10M, and nHe stars
with & 100M exceed their Eddington luminosity. If we
adopt this luminosity, we overestimate the rotationally
enhanced mass loss. Hence, we constrain luminosity of
nHe stars, such that L ≤ 0.99LEdd.
Stars are assumed to experience supernovae or direct
collapse immediately after the carbon ignition, and leave
stellar remnants like neutron stars (NSs) and BHs, or no
remnants. We adopt the rapid model in Fryer et al.
(2012) modified by pulsational pair instability (PPI)
(Heger & Woosley 2002; Woosley et al. 2007; Yoshida
et al. 2016; Woosley 2017; Leung et al. 2019) and pair
instability supernovae (PISNe) (Barkat et al. 1967; Fra-
ley 1968; Bond et al. 1984; El Eid & Langer 1986; Fryer
et al. 2001; Heger & Woosley 2002; Umeda & Nomoto
2002). Then, stellar remnant masses can be written as
Mrem
=

Mrapid (Mc,He ≤Mc,He,PPI)
Mc,He,PPI (Mc,He,PPI < Mc,He ≤Mc,He,PISN)
0 (Mc,He,PISN < Mc,He ≤Mc,He,DC)
Mrapid (Mc,He > Mc,He,DC)
,
(5)
and
Mrapid
M
=

1.2 (Mc,CO/M ≤ 2.5)
0.286Mc,CO + 0.486 (2.5 < Mc,CO/M ≤ 6)
Mt (6 < Mc,CO/M ≤ 7)
Mt −Mej (7 < Mc,CO/M ≤ 11)
Mt (Mc,CO/M > 11)
(6)
Mej
M
= [0.25(Mt − 1)− 1.275](11−Mc,CO). (7)
Here, Eq. (5) indicates PPI/PISN corrections. The
PPI/PISN corrections consist of four regimes: core-
collapse supernovae (or direct collapse), PPI, PISNe,
and direct collapse in the ascending order of He core
mass. We adopt the boundaries of these regimes, such
that the minimum He core mass of PPI (Mc,He,PPI =
45M), the minimum He core mass of PISN (Mc,He,PISN =
65M), and the minimum He core mass of direct col-
lapse (Mc,He,DC = 135M) in the same way as Bel-
czynski et al. (2016b). We assume stars undergoing
PPI leave BHs with masses of Mc,He,PPI. Eqs. (6) and
(7) show the rapid model, where Mt is the total stellar
mass. We regard stellar remnants as NSs and BHs if
their masses are below and above 3M, respectively.
The lower mass limit of NSs is defined to be 1.2M. If
a stellar remnant has its mass of < 1.2M, it is a white
dwarf, however such a stellar remnant does not appear
in this paper.
We account for a natal kick when massive stars leave
NSs and BHs. The natal kicks are randomly oriented,
and have Maxwellian velocity distribution with σk. We
assume σk does not depend on a remnant mass, although
it is inversely proportional to a remnant mass in an usual
prescription. This means the kick velocity can be the
same between NSs and BHs. We set σk in section 2.4.
We model BH spins as follows. BH progenitors get
and lose their spin angular momenta through single and
binary evolutions, such as stellar winds, wind accretion,
tidal interactions, Roche lobe overflow, and so on. Then,
the spin vectors are always parallel to the binary orbit
vectors. BH progenitors keep their spin angular mo-
menta when they become BHs, except that they expe-
rience PPI. If BH progenitors experience PPI, we force
the spins of their remnants to be zero, since these pro-
genitors lose large amounts of masses. Frequently, the
BH progenitors have spin angular momenta larger than
those of extreme Kerr BHs. In this case, we force the
spin parameters of their remnants to be unity, and as-
sume that the BH masses are equal to their progenitor
masses. Although BHs can get spin angular momenta
through mass transfer, we do not account for this pro-
cess. In summary, we can express a normalized BH spin
vector as follows:
−→χ =
{ −→
0 if PPI
min
(
|−→S |/(GM2/c), 1
)−→
L/|−→L | otherwise ,
(8)
where c is the speed of light,
−→
S is the spin angular mo-
mentum of a BH progenitor just before its collapse, and−→
L is the binary orbit vector. Natal kicks can tilt −→χ
from
−→
L as described in section 2.2.
2.2. Binary star model
Since we use the BSE code, our binary star model is
basically similar to that of Hurley et al. (2002) with
some modifications. In this section, we briefly describe
our binary star model.
Before describing our binary star model, we define
names of binary members. We call the heavier and
lighter stars at their ZAMS times “1st-evolving star”
and “2nd-evolving star”, respectively, since the former
6evolves earlier than the latter. We attach subscripts of
1 and 2 with quantities indicating 1st- and 2nd-evolving
stars, respectively. For example, masses of 1st- and 2nd-
evolving stars are m1 and m2. We define the 1st and 2nd
BHs as BHs which the 1st- and 2nd-evolving stars leave,
respectively. The 1st BH is not always heavier than the
2nd BH. We call the heavier and lighter BHs “primary
BH” and “secondary BH”, respectively. We attach sub-
scripts of “p” and “s” with quantities indicating primary
and secondary BHs. Thus, masses of primary and sec-
ondary BHs are mb,p and mb,s, respectively.
We take into account wind accretion through which a
star gets mass outflowing from its companion through
stellar winds. In the original BSE code, the accretion
rate is estimated as a Bondi-Hoyle mechanism (Bondi
& Hoyle 1944) with an upper limit of a fraction of the
mass loss rate of the stellar winds. We find that the
accretion rate sometimes exceeds the Eddington limit
due to the presence of massive stellar winds and mas-
sive BHs. Thus, we put an upper limit on the wind
accretion rate, and set the limit to the Eddington limit
expressed by Cameron & Mock (1967). Through stel-
lar winds and wind accretion, stars lose and gain their
spin angular momenta, and binaries change their semi-
major axes and eccentricities. Our treatment for these
processes is the same as that of the original BSE code.
Our prescriptions for tidal evolution is the same as
the original BSE code. We adopt the equilibrium tide
with convective damping for stars with convective en-
velopes, and the dynamical tide with radiative damping
for stars with radiative envelopes. However, the differ-
ence between the original BSE code and our binary star
model is which post-MS stars (here, CHeB and ShHeB
stars) have which types of envelopes. In the original BSE
code, CHeB and ShHeB stars have radiative and con-
vective envelopes, respectively, where ShHeB stars are
called AGB stars in the original BSE code. In our binary
model, stars with log(Teff/K) ≥ 3.65 and < 3.65 have ra-
diative and convective envelopes, respectively. We need
the above treatment, since CHeB stars can have con-
vective envelopes, and ShHeB stars can have radiative
envelopes in our single star model.
We also treat mass transfer in the same way as the
original BSE code. If mass transfer is stable, a binary
experiences stable mass transfer (or stable Roche-lobe
overflow), and otherwise common envelope evolution.
Its stability strongly depends on whether a donor star
has radiative or convective envelopes. If a donor star has
a radiative (convective) envelope, mass transfer tends to
be stable (unstable). We determine which post-MS stars
have which types of envelopes in the same way as the
case of tidal evolution described above. The common
envelope evolution is modeled as the α formalism (e.g.
Webbink 1984). Thus, we have to decide the common
envelope efficiency αCE, and the structural binding en-
ergy parameter of a star λCE. We set αCE = 1 and
λCE = 1, if unspecified.
We consider orbital decay through GW radiation in
the same way as the original BSE code. On the other
hand, we switch off magnetic braking. It is difficult to
expect the B-field configuration of Pop III binaries. In
the state-of-art Pop III formation simulation (Sharda
et al. 2020), the dominant component of the magnetic
field is tangled. In such a case, the effect of magnetic
breaking is weak, so we omit the process.
BH spin vectors can be misaligned to binary orbit vec-
tors due to the natal kicks. We record angles between
BH spin and binary orbit vectors, where the binary or-
bit vectors are the ones when BH-BHs are formed. The
angle between the 2nd BH spin and binary orbit vectors
(θ2) can be decided only by the kick vector and binary
parameters at the birth time. On the other hand, to
determine the angle between the 1st BH spin and bi-
nary orbit vectors (θ1), we need to know differences be-
tween binary phases at the birth times of the 1st and 2nd
BHs. Although we can know them, we choose the differ-
ences by Monte Carlo technique. Since binary periods
are generally much smaller than time intervals between
the birth times, it is good approximation to choose the
differences of phases randomly. Then, the angles θ1 and
θ2 can be given by
cos θ1 =
−→χ1 · −→L/|−→L | (9)
cos θ2 =
−→χ2 · −→L/|−→L |, (10)
where the “·” operator means the inner product, −→χ1 and−→χ2 are normalized BH spin vectors of the 1st and 2nd
BHs, respectively, and
−→
L is the binary orbit vector of the
final BH-BHs. Note that
−→
L can be obtained from the
natal kick velocity of the 2nd BH and the binary param-
eter at its birth time as described above. We suppose
the coordinate in which z-axis is parallel to the binary
orbit vector just before the 2nd BH is born. Then, −→χ1
and −→χ2 can be written as
−→χ1 = (sin θ′1 cosφ′1, sin θ′1 sinφ′2, cos θ′1) (11)
−→χ2 = (0, 0, 1), (12)
where θ′1 is the angle between the 1st BH spin vector
and binary orbit vector just before the 2nd BH is born,
and φ′1 is randomly chosen between 0 and 2pi. The spin
vector of the 2nd BH should be parallel to the binary
orbit vector just before its birth, since we do not account
for spin-orbit misalignment mechanism other than natal
kicks. Note that θ′1 can be determined by the natal kick
7vector of the 1st BH and binary parameters at the birth
time of the 1st BH.
2.3. Initial conditions
To generate a bunch of binaries, we set distribution
of 1st-evolving star’s masses (m1,i), mass ratios of 2nd-
evolving stars to 1st-evolving stars (qi = m2,i/m1,i),
semi-major axes (ai), and eccentricities (ei) at the initial
time as follows. The distribution of m1,i is given by
f(m1,i) ∝ m−11,i (10 ≤ m1,i/M ≤ 300). (13)
This is based on logarithmically flat mass distribution of
Pop. III stars in the range from about 10M to several
100M (Susa et al. 2014; Hirano et al. 2014, 2015).
We set the distribution of qi, such that
f(qi) ∝ const (q′min ≤ qi ≤ 1) (14)
q′min = max(qmin, 10M/m1,i). (15)
The second equation means the minimum 2nd-evolving
star’s mass is 10M, the same as the minimum mass of
1st-evolving stars. We determine qmin in section 2.4.
The average mass of binaries at the initial time,
〈mbin,i〉, can be calculated as
〈mbin,i〉
M
=
∫ 300
10
dm1,if(m1,i)
∫ 1
qmin
dqif(qi)m1,i(1 + qi)
∼ 43(3 + qmin). (16)
The semi-major axis distribution can be written as
f(ai) ∝ a−1i (a′min ≤ ai/R ≤ 2000) (17)
a′min = max
[
amin,
0.6q
2/3
i + log(1 + q
1/3
i )
0.49q
2/3
i
R1,i/R
]
,
(18)
where R1,i is the initial radius of the 1st-evolving star.
The maximum value 2000R can be obtained from the
simulation results of fig. 5 in Arimoto et al. (2020) in
preparation. The maximal final semi-major axis of the
binaries at & 2 × 104 yr is ∼ 10 AU, after which the
radiative feedback quenches further gas accretion. This
is a spatially coarse calculation, thus this could be used
as the upper bound of the separation of Pop III binaries.
Owing to the second equation, binaries can avoid Roche-
lobe overflow from the beginning time. We choose amin
in section 2.4.
The eccentricity distribution is the thermal distribu-
tion with modification as
f(ei) ∝ ei (0 ≤ ei ≤ emax) (19)
emax = 1− a′min/ai (20)
The modification makes pericenter distance larger than
a′min at the initial time. Note that emax = 1 if the ec-
centricity distribution is completely thermal.
Each star has nearly no rotation at the initial time.
2.4. Parameter sets
We prepare a bunch of parameter sets summarized in
Table 1. We mainly focus on 16 parameter sets (here-
after, the main 16 models) in which we consider non-
and Z = 10−3Z stellar winds, and σk = 0, 265 km s−1,
qmin = 0.0, 0.9, and amin = 10, 200. We suppose that
these stellar winds are weak and strong extremes. The
natal kick velocities of σk = 0 and 265 km s
−1 are also
weak and strong extremes. We adopt σk = 265 km s
−1
obtained in Hobbs et al. (2005). Note that the natal
kick velocities are set to be inversely proportional to
remnant masses in an usual prescription. However, this
usual prescription is hard to explain several X-ray bina-
ries with BHs (Repetto & Nelemans 2015; Repetto et al.
2017; Mandel 2016; Gandhi et al. 2019, 2020). We set
qmin = 0.0 and 0.9. We can get variety of mass combi-
nations for qmin = 0.0, while we restrict the mass com-
binations for qmin = 0.9 due to the fact that the mass
ratios of binaries tend to be close to unity (Susa 2019).
We use amin = 200, since Pop. III stars can expand
to & 100R at their protostellar phases (Stahler et al.
1986; Omukai & Palla 2001, 2003), and binaries with
a . 100R can merge before they enter into their MS
phases. Nevertheless, we also choose amin = 10. This
is because they may avoid their mergers for unknown
reasons. In fact, the evolution of the protostellar ra-
dius in the proto-binary system is not known, although
only a single star evolution has been investigated so far
assuming spherically symmetric mass accretion (Stahler
et al. 1986; Omukai & Palla 2001, 2003). It is also worth
noting that such close binaries with a . 100R may
be formed through dynamical processes after they en-
ter into their MS phases. The model names are named
after w/ and w/o wind, w/ and w/o kick, and the val-
ues of qmin and amin. The “opti” and “pess” stand for
“optimistic” and “pessimistic”, respectively. The “opti”
and “pess” models are thought to form large and small
numbers of merging BH-BHs, respectively.
Additionally, we make 4 parameter sets. For the “half-
kick” model, we investigate the dependence of BH-BH
populations on natal kick velocities. We examine ef-
fects of metallicity and rotational enhancement on stel-
lar winds, investigating the “weak-wind” and “no-rot-
wind’ models, respectively. In order to compare our re-
sults with results in Kinugawa et al. (2020a), we pre-
pare the K14 model, which has initial condition and
8Table 1. Summary of parameter sets.
Model Wind σk qmin amin
optiq0.0a1e1 w/o 0 0.0 10
optiq0.0a2e2 w/o 0 0.0 200
optiq0.9a1e1 w/o 0 0.9 10
optiq0.9a2e2 w/o 0 0.9 200
kickq0.0a1e1 w/o 265 0.0 10
kickq0.0a2e2 w/o 265 0.0 200
kickq0.9a1e1 w/o 265 0.9 10
kickq0.9a2e2 w/o 265 0.9 200
windq0.0a1e1 10−3Z 0 0.0 10
windq0.0a2e2 10−3Z 0 0.0 200
windq0.9a1e1 10−3Z 0 0.9 10
windq0.9a2e2 10−3Z 0 0.9 200
pessq0.0a1e1 10−3Z 265 0.0 10
pessq0.0a2e2 10−3Z 265 0.0 200
pessq0.9a1e1 10−3Z 265 0.9 10
pessq0.9a2e2 10−3Z 265 0.9 200
half-kick w/o 130 0.0 10
weak-wind 10−5Z 0 0.0 10
no-rot-wind 10−3Z 0 0.0 10
K14 w/o 0 0.0 0
Note—The units of σk and amin are km s
−1
and R, respectively. In the wind column,
metallicity adopted for our wind model is de-
scribed. In the “no-rot-wind” model, we do
not account for rotationally enhanced stellar
winds, M˙wind,rot. In the “K14” model, we set
them1,i distribution as f(m1,i) ∝ const (10 ≤
m1,i/M ≤ 100), and do not take into ac-
count PPI effects.
single/binary star models similar to the K14 model in
Kinugawa et al. (2020a).
For each parameter set, we follow time evolutions of
106 binaries until 100 Gyr. The initial conditions of 106
binaries are the same if qmin and amin are identical. For
each parameter set, we spend 1− 2 hours calculating on
1 CPU core of Intel Core i9-7980XE CPU with turbo
boost enabled.
2.5. Pop. III formation model
In this paper, we adopt Pop. III formation model as
follows. All Pop. III stars are formed in minihalos at
the same time. Only one Pop. III binary is born in one
minihalo, ηbin = 1. The number density of the minihalos
is nDM = 10
11 Gpc−3. Then, the number density of
Pop. III binaries is 1011 Gpc−3. Using Eq. (16), we
can obtain the mass density of Pop. III binaries as 1.3×
1013 M Gpc−3 for qmin = 0.0 and 1.7×1013 M Gpc−3
for qmin = 0.9. Our mass density is a fraction of the
Pop. III star density of ∼ 1014 M Gpc−3 (see fig. 2 of
Magg et al. (2016)), and ∼ 3×1013 M Gpc−3 (see fig. 4
of Skinner & Wise (2020)). On the other hand, our mass
density is smaller than in Kinugawa et al. (2020a) by 2
orders of magnitude. They have estimated Pop. III mass
density from results of de Souza et al. (2011) modified by
the argument of Inayoshi et al. (2016). We can interpret
that our formation rate is the lower limit.
3. RESULTS
We describe the results of binary population synthe-
sis calculations. In section 3.1, we show the relation
between ZAMS and remnant masses through single star
evolution. It is instructive to investigate the dependence
of the relation on stellar winds. In section 3.2, we com-
pare our results with those of Kinugawa et al. (2020a),
examining the K14 model. In section 3.3, we present
populations of merging Pop. III BH-BHs.
3.1. Single star evolution
In Figure 3, we show the relation between ZAMS
and remnant masses. The maximum ZAMS mass is
600M, which is the possible maximum mass of binaries
in our calculations. Moreover, a star with this maximum
ZAMS mass creates a He core with ∼ 300M, and can
form a nHe star with ∼ 300M. As described in sec-
tion 2.1, we confirm that our stellar wind model is valid
for nHe stars with . 300M. We can see the metallicity
dependence without M˙wind,rot in the top panel, and the
dependence on stellar rotation speeds for Z = 10−3 and
10−5Z in the middle and bottom panels, respectively.
We forcibly fix stellar rotation periods for stars in the
middle and bottom panels. There are two reasons for
this treatment. First, we simply attempt to investigate
effects of stellar rotations on stellar wind mass loss. Sec-
ond, stars could keep their rotation periods when they
are synchronized with binary motions.
We first focus on the top panel. For any winds with-
out M˙wind,rot, stars with MZAMS . 20M and & 20M
leave NSs and BHs, respectively. Stars with MZAMS ∼
90−120M have 45M BHs due to the PPI effect, stars
withMZAMS ∼ 120−250M leave no remnant due to the
PISN effect, and stars with MZAMS & 250M undergo
direct collapse to BHs. PPI/PISN effects make “the
pair-instability (PI) mass gap” from 45M to 135M.
Nevertheless, some of stars can have BHs in the PI mass
gap. Their maximum mass is ∼ 85M. They can avoid
PPI/PISN effects due to small He core masses, and can
grow to > 45M owing to massive H envelopes. For
MZAMS . 250M, the relations has weak dependence
9Figure 3. Relation between ZAMS and remnant masses. In
the top panel, stars receive no wind (red), 10−3Z winds
(black), and 10−5Z winds (gray). The stars receive no
wind, or winds without M˙wind,rot. In the middle and bot-
tom panels, stars receive winds with Z = 10−3 and 10−5Z,
respectively. The black and gray curves in the middle and
bottom panels are identical with those in the top panel,
respectively. In the middle and bottom panels, stars re-
ceive winds with M˙wind,rot except for stars indicated by the
black and gray curves. They are forced to keep stellar ro-
tations with periods of 104 (red), 102 (blue), and 1 days
(green). As guides, He core masses are indicated by dashed
curves in stars receiving no wind (top), 10−3Z winds with-
out M˙wind,rot (middle), and 10
−5Z winds without M˙wind,rot
(bottom).
on metallicity. For MZAMS & 250M, stars receiving
10−3Z winds leave BHs with distinctly smaller masses
than the other cases. This is due to luminous-star winds
(M˙NJ).
In the middle panel, we can find that the boundary
between NSs and BHs as well as the PPI/PISN effects
are similar to the case of winds without M˙wind,rot. For
MZAMS . 120M, BH masses become smaller with rota-
tion periods smaller. Stars with rotation periods of 104
days keep their H envelopes to the ends of their lives.
On the other hand, stars with rotation periods of 1 and
100 days become nHe stars when their ZAMS masses
are MZAMS & 35M and & 70M, respectively. For
MZAMS & 250M, stars with smaller periods also leave
BHs with smaller masses. For periods of 1 day, stars
undergo PISNe, and leave no remnants, since they lose
large amounts of masses in their MS phases, and cre-
ate their He core with 65 − 135M entering into their
CHeB phases. For periods of 102 days, they become
nHe stars. For periods of 104 days, BH masses are
suddenly decreased at MZAMS ∼ 300M. Stars with
MZAMS . 300M keep their H envelopes, while those
with MZAMS & 300M become nHe stars. This is be-
cause luminosities of the latter stars exceed their Ed-
dington limit in the middle of their evolution. Thus,
they lose large amounts of their masses, and become
nHe stars.
In many cases, we can see that stars lose large amounts
of masses in MS, CHeB, and ShHeB phases, and stop
losing masses in nHe phases. This is because the Ed-
dington luminosity is increased from the former phases
to the latter phase. Then, rotationally enhanced mass
loss becomes inactive when stars reach to nHe stars.
We find that the relations are weakly dependent on
metallicity when M˙wind,rot is taken into account (see the
middle and bottom panels). Nevertheless, for rotation
periods of 104 days, BH masses are suddenly decreased
at different MZAMS: MZAMS ∼ 300M for Z = 10−3Z,
and MZAMS ∼ 450M for Z = 10−5Z. Stars with
Z = 10−5Z are harder to lose mass than those with
Z = 10−3Z, since they have larger masses, i.e. larger
Eddington limit, owing to slightly weaker stellar winds.
3.2. Comparison with K14
We describe calculation results of our K14 model to
compare them with the K14 model in Kinugawa et al.
(2020a) (hereafter, the original K14 model). Figure 4
shows the chirp mass distribution of merging BH-BHs
within 15 Gyr in our K14 model. The chirp mass of
BH-BHs can be expressed as
mchirp =
(mb,pmb,s)
3/5
(mb,p +mb,s)1/5
, (21)
where mb,p and mb,s are the primary and secondary BH
masses of BH-BHs. We find that it is quite consistent
with the results of the original K14 model (see the pur-
ple curve in their fig. 2). Both the K14 models have
sharp peaks at mchirp ∼ 30M. Our K14 model has
sharp drop at mchirp ∼ 60M, while the original K14
model do so at mchirp ∼ 80M. This comes from differ-
ent treatments of H envelopes of Post-MS stars whose
H envelopes are almost stripped. If the treatments are
the same, the sharp drop is at mchirp ∼ 60M even in
the original K14 model (see the light-blue curve of fig. 1
in Kinugawa et al. (2016a)). We emphasize these agree-
ments are very surprising. This is because they and we
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use fitting formulae of Pop. III stars based on different
stellar evolution models (Marigo et al. 2001; Tanikawa
et al. 2020b, respectively). These results reinforce the
argument of Kinugawa et al. (2014) that typical Pop. III
BH-BH mergers have ∼ 30M BHs.
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Figure 4. Chirp mass distribution of merging BH-BHs
within 15 Gyr in our K14 model. This is normalized by
the total number of binaries, Nbin = 10
6.
We can see the delay time (td) distribution of BH-
BHs in our K14 model in Figure 5, where td is delay
time, or defined as time interval from the ZAMS time to
the BH-BH merger time. The black curve indicates the
distribution of all the BH-BHs, while the other curves
indicates the distribution of BH-BHs formed through
channels of CE0, CE1, CE2, CE3, and CE4. In the CE0
channel, binary systems experience no common envelope
evolution. In the CE1 and CE2 channels, they undergo
common envelope evolution, ejecting H envelopes of the
1st- and 2nd-evolving stars, respectively. In the CE3
channel, they have both the CE1 and CE2 channels.
In the CE4 channel, they go through common envelope
evolution, ejecting H envelopes of both the 1st- and 2nd-
evolving stars at the same time.
The delay time distribution of all the BH-BHs is sim-
ilar to the original K14 model (see the purple curve in
their fig. 3). Note that their values in the vertical axis
are 6 digits larger than ours, since they do not normalize
the number of BH-BHs by the total number of binaries.
The number of mergers are sharply increased at several
Myr, and are gradually decreased until several 10 Myr.
After that, the number turns to rise, and reaches to a
few 10−3 at 10 Gyr.
We recognize common and different features, com-
paring the delay time distribution of BH-BHs formed
100 101 102 103 104 105
td [Myr]
10 5
10 4
10 3
10 2
dN
BH
BH
/d
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gt
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n
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CE1
CE2
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all
Figure 5. Delay time distribution of BH-BHs in our K14
model. The normalization is the same as in Figure 4. The
black curve indicates the distribution of all the BH-BHs. All
colored curves indicates BH-BHs formed through channels
related to common envelope evolutions defined in the main
text. There is no BH-BH formed through the CE3 channel.
Figure 6. Relation between ZAMS and He core masses
at the carbon ignition time in fitting formulae of Kinugawa
et al. (2020a) (blue) and Tanikawa et al. (2020b) (red).
through each channel (see their fig. 8). The common
feature is that the dominant channels are CE4 and CE0
at earlier and later times than a few 10 Myr, respectively.
Another common feature is the distribution of BH-BHs
formed through the CE1 channel. The BH-BHs start
formed from ∼ 102 Myr, and keep the number ∼ 10−3
after that.
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The numbers of BH-BHs formed through the CE2
and CE3 channels in our K14 model are much smaller
than in the original K14 model. This is because our
fitting formulae of single star models have larger He
core masses than theirs (see Figure 6). As the ratios
of He core masses to the stellar masses become larger,
common envelope evolution is harder to happen. Al-
though He core masses in our fitting formulae are smaller
than Kinugawa’s ones for MZAMS & 130M, stars with
MZAMS & 130M have small chance to undergo the CE2
and CE3 channels in both the K14 models.
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Figure 7. Delay time distribution of BH-BHs in our K14
model. The normalization is the same as in Figure 4. The
black curve indicates the distribution of all the BH-BHs.
Other curves indicate the distribution of BH-BHs with ef-
fective spins (χeff) described in the legend. The definition of
χeff is in the main text.
Figure 7 shows the delay time distribution of BH-BHs
with effective spins, χeff . The definition of χeff is given
by
χeff =
(
mb,p
−→χ p +mb,s−→χ s
mb,p +mb,s
)
·
−→
L
|−→L |
, (22)
where −→χ p and −→χ s are normalized spin vectors of the
primary and secondary BHs. We are going to making
comparison between χeff evolution in both the K14 mod-
els. However, we should note that we cannot strictly
compare Figure 7 with χeff evolution shown in the orig-
inal K14 model (see their fig. 16). We assume that all
the stars are instantaneously born at t = 0, while they
adopt a Pop. III star formation history in which Pop. III
stars have a width of their formation times. In addition,
the horizontal axes of our and their figures are time and
redshift, respectively.
There are several common features. We find BH-BHs
with 0.8 < χeff < 1.0 are always dominant in both the
results. When we compare the numbers at 10 Gyr in
our K14 model with those at z = 0 in the original K14
model, BH-BHs with χeff < 0.8 have significant contri-
butions to the numbers in both the K14 models. How-
ever, the numbers are quite different at an early time.
In our K14 model, only BH-BHs with 0.8 < χeff < 1.0
merge at time < 102 Myr. On the other hand, BH-BHs
with 0.4 < χeff < 0.6 and 0.8 < χeff < 1.0 have com-
parable contributions in the original K14 model. These
differences can be explained by the difference between
spin models. In our model, BHs keep their spin angu-
lar momenta even when they lose their masses at their
collapse. On the other hand, in the original K14 model,
BHs lose their spin angular momenta. Nevertheless, spin
distributions in both the K14 models are consistent in
the current universe.
3.3. Merging BH-BHs
Figure 8 shows the average merger rate density of BH-
BHs for td = 0 − 15 Gyr in the optiq0.0a1e1 model.
Here, we adopt the Pop. III formation model described
in section 2.5. We can clearly see there are three sub-
populations of BH-BHs: those with two low-mass BHs
(lBHs), those with one lBH and one high-mass BH
(hBH), and those with two hBHs, where we call BHs
with . 50M “lBHs”, and BHs with & 130M “hBHs”.
There is a large mass gap between lBHs and hBHs due
to PPI/PISN effects, the PI mass gap, as seen also
in Figure 3. The mass gap ranges from ∼ 50M to
∼ 130M. Hereafter, we name BH-BHs with two lBHs,
those with one lBH and one hBH, and those with two
hBHs “hBH0”, “hBH1”, and “hBH2”, respectively, af-
ter the numbers of hBHs. The mass ranges of lBHs and
hBHs are quite different; the maximum mass of lBHs is
∼ 50M, and the minimum mass of hBHs is ∼ 135M.
Stars with Mc,He < 45M and H envelopes can leave
> 45M BHs avoiding PPI, and leave BHs with∼ 50M
at most. Thus, we can identify hBH0, hBH1, and hBH2
as distinct subpopulations.
In Figure 9, we show the delay time distributions of
hBH0, hBH1, and hBH2 in the main 16 models. In the
present day (∼ 10 Gyr), the merger rates of hBH0s are
∼ 0.1 yr−1 Gpc−3, independently of single star mod-
els, qmin, and amin. This is much smaller than the
merger rate density inferred by LIGO/Virgo observa-
tions, ∼ 10 − 100 yr−1 Gpc−3 (Abbott et al. 2019b).
Although this is smaller than estimated by Kinugawa
et al. (2020a) by 2 orders of magnitude, this is consis-
tent with their results, since the total Pop. III mass in
our model is smaller than theirs by 2 orders of magni-
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Figure 8. Average merger rate density of BH-BHs for td =
0− 15 Gyr.
tude (see section 2.5). If our formation model is close
to the actual formation rate, we may not expect that
Pop. III hBH0 are a dominant origin of GW sources dis-
covered currently. However, it should be worth examin-
ing properties of Pop. III hBH0s for the following reason.
It is important to identify Pop. III hBH0s with respect
to the star formation history in the universe, and more-
over future GW observatories, such as Einstein telescope
(Punturo et al. 2010; Maggiore et al. 2020) and Cosmic
explorer (Reitze et al. 2019), may detect a large number
of Pop. III hBH0s.
Mar´ıa Ezquiaga & Holz (2020) have shown that hBH1s
and hBH2s can be detected by the current GW obser-
vatories if they merge within detectable distances, al-
though they have not yet been detected. They have
also constrained the upper limit on the merger rates
of hBH1s and hBH2s in total, ∼ 0.01 yr−1 Gpc−3,
which is consistent with our results (see a merger rate
at ∼ 10 Gyr in the middle and right panels of Figure 9).
Moreover, space-borne GW observatories, such as LISA
and DECIGO (eLISA Consortium et al. 2013; Kawa-
mura et al. 2006, respectively), may discover hBH merg-
ers. Their detectable distances are much larger than
those of the current GW observatories. Hence, we also
inspect hBH1s and hBH2s.
Before we examine hBH0s, hBH1s, and hBH2s sepa-
rately, we investigate their initial conditions and forma-
tion channels. By this, we make clear the reason why
the merger rates of hBH0s and the sum of hBH1s and
hBH2s do not depend on initial conditions and single
star models. First, we mainly focus on the dependence
on initial conditions. Second, we mention the depen-
dence on single star models.
Figure 10 shows initial conditions of Pop. III bina-
ries which form BH-BHs merging within 15 Gyr for the
optiq0.0a1e1 model. We separate the initial conditions
into two panels by whether qi < 0.9 or qi ≥ 0.9., and
mark an initial pericenter distance (rp,i) of 200R by
vertical dashed lines, so as to imagine results of mod-
els with qmin = 0.9 and amin = 200. We can see a gap
between m1,i ∼ 120− 250M in which BH-BHs are not
formed. This is due to PISN effects. All hBH0s are un-
der this gap, and all hBH1s and hBH2s are above this
gap. In other words, binaries with 1st-evolving stars
with m1,i . 120M can form only hBH0s, and binaries
with 1st-evolving stars with m1,i & 250M can form
only hBH1s and hBH2s. In both the panels, there is no
BH-BH on the top-left and right-bottom corners. The
reason for their absence on the top-left corner is that bi-
naries merge before they form BH-BHs, and the reason
for their absence on the bottom-right corner is that BH-
BHs have too wide separation to merge within 15 Gyr.
Even binaries with rp,i ∼ 103R can form hBH0s,
hBH1s, and hBH2s. This is because Pop. III stars with
M & 50M expand to & 103R (see Figure 1), and
interact with their companions. Thus, the merger rates
of hBH0s, hBH1s, and hBH2s in models with amin = 200
are comparable to those in models with amin = 10 as
seen in Figure 9.
There is no hBH1 in the bottom panel. Binaries with
high qi can not form a hBH1, since their members have
similar masses. This is consistent with the delay time
distributions in the middle panels of Figure 9. The
merger rate of hBH1s is nearly zero in models with
qmin = 0.9. Nevertheless, the sums of the merger rates of
hBH1s and hBH2s are independent of qmin, since the in-
crease of the hBH2 merger rate compensates for the de-
crease of the hBH1 merger rate in the case of qmin = 0.9.
We have to keep in mind that, although the merger
rates of hBH0s and the sum of hBH1s and hBH2s are
insensitive to amin and qmin, their formation channels
can depend on amin and qmin. Figure 11 is the same
plot as Figure 10, except for color codes that indicate
CE channels forming BH-BHs. We can see that hBH0s
are formed from binaries with rp,i . 50R and & 50R
through stable mass transfer (the CE0 channel), and
common envelope evolution (the CE1, CE2, and CE4
channels), respectively. The boundary of rp,i increases
with m1,i, since BSG stars can have larger radii with
m1,i. The reason for the absence of the CE3 channel is
described in section 3.2. Thus, only the CE1, CE2, and
CE4 channels work for forming hBH0s in the cases of
amin = 200.
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Figure 9. Delay time distributions of hBH0, hBH1, and hBH2 in the main 16 models. The left, middle, and right panels indicate
the distributions of hBH0s, hBH1s, and hBH2s, respectively. The top and bottom panels indicate models with amin = 10 and
200, respectively. Colors of the curves show single star models and qmin.
All the hBH1s are formed from binaries with rp,i &
102R through the CE1 channel. We draw an exam-
ple binary evolution leading to one hBH1 in Figure 12.
To form hBH1s, binaries should be small qi. Due to
the small qi, a binary experiences merger or common
envelope evolution when the 1st-evolving star fills its
Roche lobe. If the 1st-evolving star is in its MS and
CHeB/ShHeB phases, the binary experiences merger
and common envelope evolution, respectively. The com-
mon envelope evolution reduces the binary separation
down to several 10R. Then, the 2nd-evolving star ex-
pands to ∼ 10R, fills its Roche lobe, and drives stable
mass transfer, since it is a BSG star, and the mass ratio
of it to the 1st BH is small. Eventually, binaries forming
hBH1s experience common envelope evolution driven by
the 1st-evolving star, i.e. the CE1 channel.
A part of hBH2s are formed from binaries with rp,i .
102R through the CE0 channel, and the rest of them
from binaries with rp,i & 102R through the CE4 chan-
nel. For binaries with rp,i . 102R, both the 1st- and
2nd-evolving stars fill their Roche lobes when they are
BSG stars. Then, they drive stable mass transfer, i.e.
the CE0 channel. For binaries with rp,i & 102R, they
enter into their CHeB/ShHeB phases almost at the same
time due to their similar masses, and fill their Roche
lobes. Then, the binaries experience the CE4 channel.
We draw an example binary evolution leading to one
hBH2 through the CE4 channel in Figure 13, which can
occur regardless of qmin and qmin as seen in Figure 10.
The merger rates of hBH0s, hBH1s, and hBH2s are
insensitive to single star models for the following rea-
sons. Natal kicks have small effects on binary parame-
ters of BH-BHs. This is because the natal kick velocities
are comparable to or smaller than internal velocities of
BH-BHs with td < 15 Gyr. Stellar winds do not pre-
vent stars from filling their Roche lobe and interacting
with their companions. Since they are driven by stel-
lar rotations, they are active only when stars nearly fill
their Roche lobe. They can strip H envelopes from stars,
and decrease stellar masses (see Figure 3). Nevertheless,
stars also lose their H envelopes through common enve-
lope evolution (see Figure 10) even if stellar winds are
switched off. Thus, stellar winds do not have dominant
roles in stripping H envelopes from stars.
In the following sections, we investigate in detail
hBH0, hBH1, and hBH2 in sections 3.3.1, 3.3.2, and
3.3.3, respectively.
3.3.1. Binaries with two low-mass BHs (hBH0s)
We investigate first the optiq0.0a1e1 model, and next
the other main models. This is because hBH0s in the
14
Figure 10. Initial pericenter distances (rp,i) and 1st-
evolving star’s masses (m1,i) of BH-BHs with td = 0−15 Gyr
in the optiq0.0a1e1 model. In the top and bottom panels,
the initial mass ratios (qi) are 0−0.9 and 0.9−1, respectively.
The vertical dashed lines indicate rp,i = 200R. The color
codes show hBH0, hBH1, and hBH2.
opti0.0a1e1 model have all the features the other models
have, and those in the other models have parts of them,
as revealed later.
Figure 14 shows the merger rate density of hBH0s
for each td in the optiq0.0a1e1 model. We can find
two peaks in the mb,p and mb,s distributions for td =
0.1 − 15 Gyr. One peak is at mb,p ∼ 45 − 50M and
mb,s ∼ 45−50M. We call this peak “the higher peak”.
The higher peak appears for all td (including td =
0 − 0.1 Gyr). The other peak is at mb,p ∼ 20 − 35M
and mb,s ∼ 20 − 35M for td = 0.1 − 15 Gyr, named
“the lower peak”. We do not regard that a population
of mb,p = 15− 20M for td = 0− 0.1 Gyr is associated
with the lower peak, since it is too slight to be thought
as a peak. The lower peak shifts from (mb,p,mb,s) ∼
(20M, 20M) to (mb,p,mb,s) ∼ (35M, 35M) with
Figure 11. The same as in Figure 10, except for color codes
that indicate CE channels forming BH-BHs.
td. The merger rate density is decreased sharply at both
the ends of ∼ 5 and 50M. There is no 3 − 5M BHs,
so-called “the lower mass gap”, since the rapid model
never forms BHs in the lower mass gap. The number of
BHs in the PI mass gap is quite small due to PPI/PISN
effects. A few BHs in the PI mass gap can be formed
from stars with light He cores and heavy H envelopes
(see Figure 3), or through accretion from their compan-
ion stars. These BHs have at most 55M, while BHs
can have ∼ 85M if they evolve as single stars (see Fig-
ure 3). This is because BH progenitors in binaries are
easy to lose their H envelopes through binary interac-
tions.
The higher peak appears due to PPI effects. This peak
is not observed in the K14 model which does not account
for PPI effects. Stars with He core masses of 45−65M
experience PPI, and are thus swept up together to BHs
with 45M. Since PPI effects are independent of binary
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star evolution, the higher peak always appears regard-
less of td.
The lower peak has two features; it shifts from ∼
20M to ∼ 35M, and the mass ratio favors nearly
unity. The reasons for the two features can be explained
by their formation channels. Here, we first explain the
formation channel, and next the reasons for the features.
The lower peak is formed through the same mechanism
as the peak of ∼ 30M in the K14 model, i.e. the CE0
channel. The detail processes are as follow. The 1st-
evolving star enters into its CHeB phase, fills its Roche
lobe, and starts stable mass transfer to the 2nd-evolving
star. The mass transfer can keep stable, since a Pop. III
star with MZAMS = 10− 50M ends its life with a BSG
star (see Figure 1). Subsequently, the 1st-evolving star
collapses to a BH. After that, the 2nd-evolving star also
fills its Roche lobe, and begins stable mass transfer. Fi-
nally, the 2nd-evolving star collapses to a BH.
The reason for the mass ratio of unity is as follows.
The 1st mass transfer makes the 2nd-evolving star heav-
ier than the 1st BH. Since mass transfer is more active
when a donor star is heavier than an accreting star, the
2nd mass transfer continues until the mass ratio of the
2nd-evolving star to the 1st BH becomes close to unity.
After that, the 2nd-evolving star collapses to a BH with
a similar mass to the 1st BH. Thus, these BH-BHs tend
to have the mass ratio of unity.
The reason for the time shift of the lower peak is as
follows. The merging timescale through GW radiation
is expressed as
tGW =
5
256
c5
G3
a4
mb,pmb,s(mb,p +mb,s)
g(e) (23)
g(e) =
(1− e2)3.5
1 + (73/24)e2 + (37/96)e4
, (24)
where a and e are the semi-major axis and eccentric-
ity of a BH-BH. Since mb,p ∼ mb,s and e ∼ 0 here,
we reduce these equations to tGW ∝ a4m−3, where we
use m instead of mb,p and mb,s. The semi-major axis
is proportional to the radius of the 2nd-evolving star,
a ∝ R2, when the 2nd mass transfer occurs. Since
R2 ∝ L1/22 , and nearly L2 ∝ m2 for stars with 10−50M
in CHeB and ShHeB phases (see Figure 1), a ∝ m. Fi-
nally, tGW ∝ m. We now assume that the 2nd-evolving
star with different m has the same effective temperature.
If we relax this assumption, the 2nd-evolving star with
larger m tends to have lower effective temperature for
m & 20M (see Figure 1). Then, tGW can depend on
m more strongly. Thus, the time shift of the lower peak
appears.
Figure 15 shows the spin distributions of primary and
secondary BHs of hBH0s in the optiq0.0a1e1 model. We
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Figure 14. Merger rate densities of hBH0s for td = 0− 0.1 (top left), 0.1− 1 (top right), 1− 10 (bottom left), and 10− 15 Gyr
(bottom right) in the optiq0.0a1e1 model.
can regard that hBH0s with 0 ≤ mb,p/M < 40 and
40 ≤ mb,p/M < 100 are associated with populations
of the lower and higher peaks, respectively. The top
two panels indicate that hBH0s in the lower peak have
two BHs with large spins ∼ 1 independently of td. The
reason is as follows. Their progenitors can be highly
spun up by tidal fields of their companion stars, since
they expand to their Roche-lobe radii. Moreover, they
keep their H envelopes more or less until they collapse
to BHs.
On the other hand, half of hBH0s in the higher peak
have BHs with nearly zero spins. This is due to PPI
effects. We assume BH progenitors undergoing PPI lose
their spin angular momenta. The other half have large
spins with & 0.5, and however have smaller spins with
td increasing. The reason for the time dependence is as
follows. BH progenitors gain and lose their spin angu-
lar momenta through tidal interactions and mass trans-
fer, respectively. As the td increases, binary separation
becomes larger, and tidal interaction becomes weaker.
Thus, a BH progenitor decreases its spin angular mo-
mentum in the net, and its BH has a smaller spin. The
details can be described in many studies (Kushnir et al.
2016; Hotokezaka & Piran 2017; Piran & Piran 2020;
Safarzadeh & Hotokezaka 2020).
With respect to spins, the hBH0s have four subpop-
ulations; both the BHs have high spins (∼ 1), both the
BHs have low spins (∼ 0), and the 1st (2nd) BH has high
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Figure 15. Spin distributions of hBH0s for each td in the
optiq0.0a1e1 model. The panels indicate primary and sec-
ondary BH spins of hBH0 with 0 ≤ mb,p/M < 40 (the
top two panels) and 40 ≤ mb,p/M < 100 (the bottom two
panels).
spin (∼ 1) but the other BH has low spin (∼ 0). This is
different from the results of Kinugawa et al. (2016c,b).
In their model, the hBH0s do not have a subpopula-
tion with the 1st BHs with high spins and the 2nd BHs
with low spins. We obtain the subpopulation, since we
assume BHs after PPI have zero spins.
Hereafter, we assess the robustness of these features
against initial conditions of binaries (qmin and amin), and
single star models (stellar winds and natal kicks). First,
we focus on the dependence on initial conditions.
Figure 16 shows merger rate densities of hBH0s in
models with different initial conditions from the op-
tiq0.0a1e1 model. We can find peaks at (mb,p,mb,s) ∼
(45M, 45M) in all the panels. These peaks corre-
spond to the higher peak in the optiq0.0a1e1 model.
Even in the optiq0.0a2e2 and optiq0.9a2e2 models, there
can be hBH0s with td ≤ 15 Gyr. This is because stars
with MZAMS ∼ 100M can expand to & 103R (see
Figure 1), interact with their companion stars through
common envelope evolutions, and leave 45M BHs (see
Figure 3). Consequently, the higher peak in the op-
tiq0.0a1e1 model is robust against initial conditions.
We cannot find the lower peak in the optiq0.0a2e2
and optiq0.9a2e2 model. In these models, hBH0s with
td ≤ 15 Gyr cannot be formed through the CE0 chan-
nel. Since the CE0 channel does not reduce binary sep-
arations, hBH0s formed through the CE0 channel have
binary separations & 100R. Their merging timescales
through GW radiation are much larger than 15 Gyr.
We can find the lower peak in the optiq0.9a1e1 model
for td = 10− 15 Gyr, which is formed through the same
mechanism in the optiq0.0a1e1 model. On the other
hand, we cannot find the lower peak in this model for
td = 0.1 − 1 Gyr. Since two stars with similar masses
expand on similar timescales, they fill their Roche lobes,
and merge when their separation is small. Eventually,
the lower peak in the optiq0.0a1e1 model is sensitive to
amin, and its time shift is weak against qmin.
Although the presence of the higher peak is insensi-
tive to initial conditions, spin distributions of hBH0s
around the higher peak can be affected by initial condi-
tions. Half of primary and secondary BHs have nearly
zero spins in the optiq0.0a1e1 model, while more than
half of them have nearly zero spins in the other mod-
els, and moreover the fraction increases with time up to
unity for td = 10 − 15 Gyr. This is because the CE0
channel has little contribution to the higher peak in the
other models. On the other hand, spin distributions of
hBH0s around the lower peak are similar between the
optiq0.0a1e1 and optiq0.9a1e1 models if the lower peak
is present in the optiq0.9a1e1 model.
Next, we focus on the dependence on single star mod-
els. Figure 17 shows the merger rate densities of hBH0s
in models with different single star models. We can find
peaks at (mb,p,mb,s) ∼ (45M, 45M) in all the pan-
els. These peaks correspond to the higher peak in the
optiq0.0a1e1 model. Therefore, the higher peak is also
robust against single star models.
The kickq0.0a1e1 model has the lower peak of
(mb,p,mb,s) ∼ (30M, 30M) independently of td (see
the top panels). In other words, the lower peak has
no time shift, unlike in the optiq0.0a1e1 model. This
is because natal kicks shorten and lengthen merging
timescales of hBH0s, independently of their masses. For
example, if a BH progenitor gets a natal kick whose
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Figure 16. Merger rate densities of hBH0s. The top panels show the results of the optiq0.9a1e1 model for td = 0.1− 1 (left)
and 10 − 15 Gyr (right). The bottom panels show the results of the optiq0.0a2e2 (left) and optiq0.9a2e2 models (right) for
td = 10− 15 Gyr.
direction is the same as and opposite to its traveling di-
rection, the resulting merging timescale becomes longer
and shorter, respectively. Whether the time shift can
survive or not depends on the magnitude of natal kicks.
We can observe the time shift in the half-kick model,
although it is less distinct than in the optiq0.0a1e1
model. If we assume σk = 265 km s
−1 for NSs and kick
velocities inversely proportional to remnant masses as
in an usual prescription, the time shift can be seen as
prominent as in the optiq0.0a1e1 model, since the kick
velocities are ∼ 10 km s−1 for BHs with several 10M.
Stellar winds significantly smooth the lower peak, and
shift it to ∼ 20M (see the bottom panels). The peak
shift is simply because BHs lose their masses through
stellar winds. This is not due to stellar winds of high
metallicity, 10−3Z. In the weak-wind model (Z =
10−5Z), hBH0s have merger rate densities similar to
those in the windq0.0a1e1 model. In fact, rotationally
enhanced winds are responsible. If we switch off the
rotationally enhanced winds in the no-rot-wind model,
we find the merger rate densities similar to those in
the optiq0.0a1e1 model. It is natural that the rotation-
ally enhanced winds have strong effects in models with
amin = 10, since most of stars are effectively spun up
by tidal fields of their companion stars. Eventually, the
lower peak is fragile against stellar winds with rotational
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Figure 17. Merger rate densities of hBH0s. The top panels show the results of the kickq0.0a1e1 model for td = 0.1− 1 (left)
and 10 − 15 Gyr (right). The bottom panels show the results of the windq0.0a1e1 (left) and pessq0.0a1e1 models (right) for
td = 10− 15 Gyr.
enhancement. Although the lower peak is robust against
natal kicks, its shift with td is deleted by the natal kicks.
The distribution of spin magnitudes in the kickq0.0a1e1
model is similar to in the optiq0.0a1e1 model for both
0 ≤ mb,p/M < 40 and 40 ≤ mb,s/M < 100. On
the other hand, the fraction of hBH0s with nearly zero
spins in the windq0.0a1e1 and pessq0.0a1e1 models
is 2 times larger than in the optiq0.0a1e1 model for
40 ≤ mb,s/M < 100 (compare Figure 18 with Fig-
ure 15). This is because stellar winds carry away spin
angular momenta. We do not show spin distributions
of hBH0s for 0 ≤ mb,p/M < 40 in these models, since
there is nearly no lower peak.
Natal kicks can tilt BH spin vectors from binary orbit
vectors of hBH0s. Figure 19 shows the tilt-angle dis-
tribution. Note that spin and binary orbit vectors are
parallel and anti-parallel for cos θ = 1 and −1, respec-
tively. The fractions of θ & 45◦ and & 90◦ are ∼ 0.1
and ∼ 0.01, respectively, for both cases of mb,p. Pri-
mary BHs have larger tilt angles than secondary BHs.
Since primary BHs tend to have 1st-evolving stars as
their progenitors, they have two chances to tilt their
spin vectors from binary orbit vectors.
We examine mass distribution of hBH0s in “kick”,
“wind”, and “pess” models with qmin 6= 0.0 or amin 6= 10.
Then, in all the models, we find peaks corresponding to
the higher peak in the optiq0.0a1e1 model. On the other
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Figure 18. Spin distributions of hBH0s for each td in the
windq0.0a1e1 model. The panels indicate primary and sec-
ondary BH spins of hBH0s with 40 ≤ mb,p/M < 100.
hand, there is no lower peak seen in the optiq0.0a1e1
model. Most of BHs have zero spins for td = 10−15 Gyr.
This is because they have large td, and because most of
them are not formed through the CE0 channel. If some
of them were formed through the CE0 channel, there
would be the lower peak.
We summarize features of merging hBH0s with
td ≤ 15 Gyr. In the optiq0.0a1e1 model, they have
two peaks in their mass distribution: (mb,p,mb,s) ∼
(45M, 45M) (the higher peak) and (mb,p,mb,s) ∼
(30M, 30M) (the lower peak). The lower peak
shifts from 20M to 35M from td = 0.1 − 1 Gyr
to td = 10 − 15 Gyr. Half (most) of BHs belonging
to the higher (lower) peak has significantly high spin.
The presence of the higher peak is robust against dif-
ferent initial conditions and single star models, while
BHs around the higher peak tend to have zero spins in
models other than the optiq0.0a1e1 and kickq0.0a1e1
models due to small contribution of the CE0 channel.
The lower peak and its td dependence are quite frag-
ile. It disappears when amin = 200 or stellar winds are
turned on. Stellar winds have large effects on the lower
peak due to the rotational enhancement, not due to
the high metallicity. The time-shift feature of the lower
peak is erased by natal kicks.
3.3.2. Binaries with high- and low-mass BHs (hBH1s)
First, we investigate the optiq0.0a1e1 model again for
the same reason in section 3.3.1. Figure 20 shows the
merger rate densities of hBH1s for each td. There is
no hBH1 with td . 0.1 Gyr. Only binaries with rp,i &
102R can form hBH1s through the CE1 channel, and
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Figure 19. Distribution of angles between primary and sec-
ondary BH spin vectors and binary orbit vectors for 0 ≤
mb,p/M < 40 (the top two panels), and 40 ≤ mb,p/M <
100 (the bottom two panels) in the kickq0.0a1e1 model. The
BHs are limited to those with |−→χ p| ≥ 0.5 or |−→χ s| ≥ 0.5.
their minimum td is ∼ 0.1 Gyr. On the other hand,
a binary with rp,i . 102R experiences merger when
the 1st-evolving star fills its Roche lobe for the reason
described in section 3.3.
For td = 0.1 − 15 Gyr, the mb,p distribution has a
plateau in mb,p ∼ 130−180M, and has a tail in mb,p ∼
180 − 200M. The plateau ranges from the minimum
He core mass needed for the direct collapse (Mc,He,DC =
135M) to the He core mass of a star with MZAMS =
300M, the maximum mass of m1,i in our models. The
merger rate density of ∼ 130M should be larger than
that of ∼ 180M, since the m1,i distribution is top-light
(∝ m−11,i ). Nevertheless, the number of stars forming
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Figure 20. Merger rate densities of hBH1s in the optiq0.0a1e1 model.
Mc,He ∼ 180M (m1,i ∼ 300M) is comparable to that
of stars forming Mc,He ∼ 135M (m1,i ∼ 250M). This
is because the number ratio of the former star to the
latter star is only ∼ 1.2. The tail is formed through
stable mass transfer from the 2nd-evolving stars to the
1st BH (see Figure 12). The tail is more prominent in
smaller td, since the 2nd-evolving stars are closer to the
1st BH, and give larger mass to the 1st BH.
The mb,s distribution has a peak at 25 − 40M, and
the peak shifts from 25M to 40M with td. This is
the back reaction of the formation of the mb,p tail. As
the 2nd-evolving stars, progenitors of the 2nd BHs, give
larger masses to the 1st BH, they lose their masses.
We describe the three features of hBH1s: no merger
for td . 0.1 Gyr, the mb,p distribution with the plateau
and tail, and the mb,s distribution with the peak and
its shift with td. Hereafter, we investigate the robust-
ness of these features against different initial conditions
and single star models. Actually, these features are in-
sensitive to amin. As seen in Figure 11, hBH1s can be
formed through the CE1 channel even if binaries have
ai & 200R. On the other hand, the formation of hBH1s
is seriously affected by qmin. For qmin = 0.9, hBH1s are
never formed (see Figures 9 and 10). Since a binary has
stars with similar masses, it cannot form one lBH and
one hBH.
Natal kicks again delete td dependence. In the
kickq0.0a1e1 model, hBH1s with td . 0.1 Gyr appear,
and the time shift of the peak in the mb,s distribution
disappears. The mb,s peak is always at ∼ 30M. Stellar
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winds also affect the mass distribution. The mb,p dis-
tribution also has the plateau for the following reason.
The 1st-evolving stars always become nHe stars regard-
less of the presence and absence of stellar winds due to
the CE1 channel. The nHe stars lose little mass through
stellar winds, since they do not exceed the Eddington
limit, and are not sufficiently spun up. However, the tail
disappears for the following reason. The 2nd-evolving
stars are strongly spun up by the 1st-evolving star or 1st
BH after the CE1 channel. Then, they lose a significant
of their H envelopes through stellar winds as seen in
Figure 3. Thus, they cannot transfer their masses to
the 1st BHs. The mb,s distribution is sensitive to the
stellar winds, since the 2nd-evolving stars are spun up
and lose their mass rotationally enhanced stellar winds
as described above. Then, the peak of mb,s moves down
to ∼ 20M. In the other models, we find that mass
distributions can be explained by simple combinations
of initial conditions, natal kicks and stellar winds.
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Figure 21. Spin distributions of primary and secondary
BHs in hBH1s for each td in the optiq0.0a1e1 model.
Figure 21 shows the spin distributions of BHs in
hBH1s. The fraction of primary BHs with nearly zero
spins increases with td. The fraction of |−→χ p| . 0.2
reaches to ∼ 1 for td = 10 − 15 Gyr. This reason is as
follows. Progenitors of the primary BHs are nHe stars.
They have larger binary separations with larger td, are
spun up less efficiently, and have smaller spins. On the
other hand, the secondary BHs have high spins ∼ 1 for
all td. This is because they are spun up by tidal fields
of the 1st BHs, and keep their H envelopes.
The spin distribution is insensitive to amin for the
same reason as the mass distribution. Natal kicks delete
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Figure 22. Spin distribution of primary and secondary BHs
in hBH1s for each td in the windq0.0a1e1 model.
the td dependence, and average the distribution to that
for td = 0 − 15 Gyr. This is because natal kicks
shorten and lengthen td at random as described in sec-
tion 3.3.1. Figure 22 shows the spin distributions of
BHs in hBH1s in the windq0.0a1e1 model. Stellar winds
largely reduce spins for both the primary and secondary
BHs. Although the fraction of non-spinning BHs for
td = 10 − 15 Gyr in the pessq0.0a1e1 model is smaller
than in the windq0.0a1e1 due to natal kicks, the fraction
is still high (∼ 0.6) for both the primary and secondary
BHs.
Figure 23 shows the distribution of angles between
primary and secondary BH spin vectors and binary orbit
vectors for hBH1s in the kickq0.0a1e1 model. The angles
are formed only due to natal kicks. Comparing Figure 23
with Figure 19, we can find that spins of hBH1s are more
aligned than those of hBH0s. This is not due to the
small number of hBH1s, although the number of BHs
in the top panel of Figure 23 is ∼ 103 of 106 binaries,
and that in the top panel of Figure 19 is ∼ 3 × 104 of
106 binaries. For example, the fraction of θ & 45◦ is a
few 0.01 for hBH1s, while it is ∼ 0.1 for hBH0s. This
reason can be interpreted as follows. We can obtain the
circular velocity of a BH-BH, rewriting Eq. (23) as
vcirc ∝ t−1/8GW m−1/8b,p m−1/8b,s (mb,p +mb,s)3/8. (25)
As seen in Eq. (25), the internal velocity of a BH-BH
becomes larger with its total mass, if tGW is fixed. Thus,
BH-BHs with larger total masses are less sensitive to
natal kicks. This is the reason why spins of hBH1s are
more aligned than those of hBH0s.
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Figure 23. Distribution of angles between primary and sec-
ondary BH spin vectors and binary orbit vectors for hBH1s
in the kickq0.0a1e1 model. The BHs are limited to those
with |−→χ p| ≥ 0.5 or |−→χ s| ≥ 0.5.
We summarize the features of hBH1s in the op-
tiq0.0a1e1 model. They merge for td & 0.1 Gyr. The
mb,p distribution has a plateau in 130 − 180M and
a tail in 180 − 200M. The tail is more prominent in
smaller td. The mb,s distribution has a peak shifting
from 20M to 40M with td. The fraction of hBH1s
with |−→χ p| . 0.2 increases with td, and reaches to unity
for td = 10 − 15 Gyr, while the fraction of hBH1s with
|−→χ s| ∼ 1 is unity for all td.
The above features are changed by various effects.
First, hBH1s themselves vanish if qmin = 0.9. The above
features are robust against amin. Natal kicks delete
the td dependence, and raise spin-orbit misalignments
smaller than those of hBH0s. Stellar winds erase the
tail of the mb,p distribution, and reduce the peak lo-
cation of the mb,s distribution to ∼ 20M. Moreover,
stellar winds greatly increase the fraction of hBH1s with
|−→χ p| ∼ 0 and |−→χ s| ∼ 0.
3.3.3. Binaries with two high-mass BHs (hBH2s)
We first investigate the optiq0.0a1e1 model, similarly
to the previous sections. Figure 24 shows the merger
rate density of hBH2s for each td. The 2D distribu-
tion for td = 0 − 0.1 Gyr has a triangle shape, while
those for td = 0.1− 15 Gyr have a parallelogram shape.
Their different shapes are due to the difference between
their formation channels. For td . 0.1 Gyr, they are
formed through the CE4 channel (see also Figure 11).
This is the reason why the mb,p distribution is flat in
130−180M, the same reason for the plateau of the pri-
mary BHs in hBH1s described in section 3.3.2. The mb,s
distribution monotonically decreases with mb,s. In our
initial conditions, as the 2nd-evolving stars become more
massive, they have less chances to have the 1st-evolving
stars with MZAMS = 250 − 300M which overcome
PISN. For td & 0.1 Gyr, hBH2s are formed through the
CE0 channel (see also Figure 11). This is the reason why
the primary BHs can have larger masses than He core
masses formed from stars with MZAMS = 300M. The
2D distributions have shapes like parallelograms. This
means hBH2s have two BHs with similar masses. This is
because the 2nd mass transfer tends to stop when a mass
ratio of the binary becomes close to unity, similarly to
hBH0s around the lower peak in the optiq0.0a1e1 model.
For qmin = 0.9 or amin = 200, the mass distributions
in all td are similar to that in td . 0.1 Gyr in the op-
tiq0.0a1e1 model. In other words, all the hBH2s are
formed only through the CE4 channel. This is because
the CE0 channel does not work. As seen in Figure 11,
the CE0 channel works well only when qi < 0.9 (the top
panel) and ai < 200R (the left-hand side of the verti-
cal dashed line). For qi ≥ 0.9, two stars fill their Roche
lobes simultaneously. Then, they experience merger or
common envelope evolution. They merge when they are
MS stars, and they experience common envelope evolu-
tion when they are post-MS stars. Thus, they cannot
undergo the CE0 channel. For ai ≥ 200R, binaries can
undergo the CE0 channel. However, the resulting BH-
BHs have too large separations to merge for td ≤ 15 Gyr,
since the CE0 channel does not shrink binary separa-
tions.
Natal kicks delete the td dependence. Thus, hBH2s
formed through the CE0 channel appear for td .
0.1 Gyr, and the 2D distributions have shapes like par-
allelograms for all td. Stellar winds erase hBH2s formed
through the CE0 channel. The 1st-evolving star fills
its Roche lobe when it is an MS star. It is spun up,
and loses large mass due to rotationally enhanced stel-
lar winds. Since it makes a He core with smaller mass
than Mc,He,DC(= 135M) due to the stellar winds, it
experiences PISN. Thus, the shapes of the 2D distri-
butions for all td are triangle-like, similar to that for
td = 0 − 0.1 Gyr in the optiq0.0a1e1 model. This is
the same if both of natal kicks and stellar winds are
taken into account (i.e. the pess models). The mass
distributions in models with different initial conditions
and single star models can be understood as simple
combinations of the effects described above.
Figure 25 shows the spin distribution of primary and
secondary BHs of hBH2s in the optiq0.0a1e1 model. The
fraction of BHs with high spins decreases with td. BH-
BHs with larger td have progenitors with larger separa-
tions, and the progenitors are less spun up by weaker
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Figure 24. Merger rate densities of hBH2s in the optiq0.0a1e1 model.
tidal fields. Nevertheless, a large number of BHs have
non-zero spins, ∼ 0.2, even for td = 10− 15 Gyr. Since
they are formed through the CE0 channel, they can re-
tain their H envelopes and spin angular momenta until
their collapses.
Initial conditions make the spin distribution different,
especially for td = 10 − 15 Gyr. Figure 26 shows the
spin distribution of hBH2s in optiq0.0a2e2 model. Most
of primary and secondary BH spins are zero for td =
10 − 15 Gyr in contrast to those in the optiq0.0a1e1
model. This is because hBH2s for td = 10 − 15 Gyr
are formed only through the CE4 channel. Note that
the corresponding hBH2s in the optiq0.0a1e1 model are
formed dominantly through the CE0 channel. Since the
CE4 channel carries away H envelopes of progenitors
of both primary and secondary BHs, the resulting BHs
have smaller spins than BHs formed through the CE0
channel.
Natal kicks erase the td dependence of the spin distri-
bution, and the spin distribution for each td is similar
to that for td = 0−15 Gyr. Stellar winds decrease spins
of both the primary and secondary spins. Most of BH
spins are zero for td = 10 − 15 Gyr. When both of ini-
tial conditions and single star models are different from
the optiq0.0a1e1 model, we can interpret the spin distri-
butions as simple combinations of the effects described
above.
Natal kicks raise spin-orbit misalignments of hBH2s.
We show in Figure 27 the distribution of the misalign-
ments. The misalignments are clearly weaker than those
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Figure 25. Spin distributions of hBH2s for each td in the
optiq0.0a1e1 model.
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Figure 26. Spin distributions of hBH2s for each td in the
optiq0.0a2e2 model.
of hBH0s (see Figure 19) because of their larger internal
velocities as discussed in section 3.3.2. However, the
misalignments appear similar to those of hBH1s (see
Figure 23). There can be two reasons. First, the dif-
ference between internal velocities of hBH1s and hBH2s
is smaller than the difference between internal velocities
of hBH0s and hBH1s. Second, the numbers of hBH1s
and hBH2s are small, ∼ 103 of 106 binaries.
We summarize the features of hBH2s. In the op-
tiq0.0a1e1 model, they are formed through the CE0 and
CE4 channels. The CE4 and CE0 channels are domi-
nant for td = 0 − 0.1 and 0.1 − 15 Gyr, respectively.
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Figure 27. Distribution of angles between primary and sec-
ondary BH spin vectors and binary orbit vectors for hBH2s
in the kickq0.0a1e1 model. The BHs are limited to those
with |−→χ 1| ≥ 0.5 or |−→χ 2| ≥ 0.5.
Thus, the mass distribution is limited to He core masses
in 130 − 180M for td = 0 − 0.1 Gyr, while it ex-
tends to ∼ 200M, since BHs keep their H envelopes.
The 2D mass distributions have a triangle-like shape
for td = 0 − 0.1 Gyr, and parallelogram-like shapes for
td = 0.1 − 15 Gyr. Although BH spins decrease with
td, they still have ∼ 0.2 for td = 10 − 15 Gyr, since
BHs keep their H envelopes again, and spin angular mo-
menta. If initial conditions are different or stellar winds
are switched on, hBH2s formed through the CE0 channel
vanish. Their mass distributions for all td have triangle-
like shapes, similar to those for td = 0 − 0.1 Gyr in
the optiq0.0a1e1 model. BH spins decrease with td, and
most of them are zero for td = 10− 15 Gyr. Natal kicks
erase the td dependence, and raise spin-orbit misalign-
ments smaller than those of hBH0s, and similar to those
of hBH1s. Mass and spin distributions with different ini-
tial conditions and single star models can be interpreted
as simple combinations of their effects.
4. IDENTIFICATION OF POP. III BH-BHS
We discuss possibility to identify Pop. III BH-BHs by
the current and future GW observatories. In section 4.1,
we compare our results with previous events of BH-BH
mergers, and present clues to identify Pop. III BH-BHs
if Pop. III BH-BHs are contained in previous and near-
future events detected by the current GW observatories.
In section 4.2, we examine how to find Pop. III BH-BHs
by future GW observatories.
4.1. Current GW observatories
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In sections 4.1.1 and 4.1.2, we discuss about hBH0s
and hBH1s/hBH2s, respectively.
4.1.1. Binaries with two low-mass BHs (hBH0)
As described above, the merger rate of Pop. III
BH-BHs at the present day (or td ∼ 10 Gyr) is
∼ 0.1 yr−1 Gpc−3, much smaller than inferred by
LIGO/Virgo observations by two or three orders of
magnitude. However, we might underestimate the for-
mation rate of Pop. III stars. We first examine whether
the features of hBH0s are consistent with observed BH-
BHs, assuming that the formation rate of Pop. III stars
is much larger than we expect.
We compare the mb,p distributions for td = 10 −
15 Gyr with observed BH-BHs. According to Ab-
bott et al. (2019a), the merger rate densities are ∼
1 − 10 yr−1 Gpc−3 M−1 for mb,p ∼ 10M, and ∼
1 yr−1 Gpc−3 M−1 for mb,p ∼ 15− 45M, and sharply
decreases for mb,p & 45M. Thus, the merger rate den-
sities inferred from observed BH-BHs should have a peak
at mb,p ∼ 10M, or be flat in mb,p ∼ 10−45M. As de-
scribed in section 3.3.1, themb,p distributions of Pop. III
hBH0s have double peaks at mb,p ∼ 30 and 45M or a
single peak at mb,p ∼ 45M, depending on initial con-
ditions and single star models. As seen in Figures 15,
16, and 17, the mb,p distributions of the opti and kick
models are not consistent with the inferred distribution.
The merger rate densities at the peaks are too larger
than those of other mb,p
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Figure 28. Mass ratio distributions of hBH0s in the
windq0.0a1e1 and pessq0.0a1e1 models.
The mb,p distributions of the wind and pess models
could be consistent with the observed BH-BHs.. They
have a peak at mb,p ∼ 45M, but its merger rate den-
sity is not 10 times larger than those of other mb,p.
The merger rate density of mb,p ∼ 10M is comparable
to those of mb,p ∼ 15 − 40M. Figure 28 shows the
mass ratio distributions of hBH0s in the windq0.0a1e1
and pessq0.0a1e1 models. The merger rate density of
mb,s/mb,p ∼ 1 is larger than that of mb,s/mb,p ∼ 0.2
by one or two orders of magnitudes, which is consistent
with Abbott et al. (2019a). As seen in Figure 18, most
of them have zero spins, which is also in good agreement
with the O1/O2 results of LIGO/Virgo.
Thus, Pop. III hBH0s may have similar features to the
observed BH-BHs if we take into account stellar winds.
Pop. III stars can have such stellar winds, since the stel-
lar winds are excited not by high metallicity, but by stel-
lar rotations. Nevertheless, we emphasize that the total
merger rate of Pop. III hBH0s is smaller than inferred by
GW observations by two or three orders of magnitude.
It may be impossible to increase the Pop. III formation
rate from our model by these orders.
Even if our Pop. III formation rate is correct, observed
BH-BH mergers may contain Pop. III BH-BHs quite for-
tunately. Moreover, the current observatories may de-
tect a Pop. III BH-BH in near future. Since the fraction
of the Pop III hBH0 merger rate to the observed merger
rate is 0.001 − 0.01, there may be one Pop. III BH-BH
when the current observatories observe ∼ 100 events.
Hereafter, we discuss how to identify Pop. III BH-BHs
from other BH-BHs observed by the current observato-
ries.
If stellar winds are as effective as in the wind and pess
models, features of Pop. III hBH0s are quite similar to
those of observed BH-BHs, despite that the merger rate
of Pop. III hBH0s is much smaller than the observed
merger rate. We cannot identify Pop. III hBH0s if stel-
lar winds are effective. Here, we consider the case where
stellar winds are ineffective, i.e. the opti and kick mod-
els. If amin = 10 is correct, Pop. III BH-BHs are most
likely to have mb,p ∼ 30 or 45M (see the bottom-right
panel of Figure 14, the right-top panel of Figure 16, and
the right-top panel of Figure 17). We can see their spins
in Figure 15. Ifmb,p ∼ 30M, both the BHs should have
high spins, ∼ 1. Even if mb,p ∼ 45M, both the BHs
can have high spins, & 0.5, with about a half probability.
Note that we may overestimate the BH spins according
to the results of Kinugawa et al. (2020a). If amin = 200
is correct, most of Pop. III hBH0s have mb,p ∼ 45M
(see the bottom panels of Figure 16), and nearly zero
spins because of common envelope evolution and large
td.
GW 170729 has mb,p ∼ 50M, mb,s ∼ 35M, and
χeff ∼ 0.37 (Abbott et al. 2019b). This is the most
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Figure 29. Distribution of hBH0’s χeff in the optiq0.0a1e1
and kickq0.0a1e1 models.
probable Pop. III candidate among the observed BH-
BHs. As described above, Pop. III hBH0s have a peak
at mb,p ∼ 45M. Moreover, they are most likely to
have χeff ∼ 0.3 regardless of with and without natal
kicks as seen in Figure 29. Note that if amin = 200 is
true, GW 170729 should not be Pop. III-origin, since
Pop. III hBH0s cannot have spins in this case.
GW 190412 has mb,p ∼ 30M, mb,s ∼ 8M, χeff ∼
0.28, and |−→χ p| ∼ 0.31 (The LIGO Scientific Collabora-
tion et al. 2020a). Some studies have pointed out that
the secondary BH may have large spin, and the pri-
mary BH may not have large spin (e.g. Olejak et al.
2020; Safarzadeh & Hotokezaka 2020). In either case,
Pop. III hBH0s in our results cannot explain this event,
since Pop. III hBH0s with mb,p ∼ 30M should have
|−→χ p| ∼ 1 and |−→χ s| ∼ 1 (see Figure 14). However, spin
distributions are quite sensitive to prescriptions of tidal
interactions. Kinugawa et al. (2020a), who adopt a dif-
ferent prescription of tidal interactions from ours, have
obtained Pop. III BH-BHs with masses and spins con-
sistent with GW 190412.
Our supernova model is the rapid model in which
BHs in the lower mass gap are not formed. Thus, our
models have no hBH0 like GW 190814 that contains a
2.6M compact object (The LIGO Scientific Collabora-
tion et al. 2020b). Kinugawa et al. (2020b) have chosen
a supernova model with the lower mass gap, and have
shown GW 190814-like events can happen under Pop. III
environments.
We summarize this section. The observed BH-BHs
could be dominated by Pop. III hBH0s if stellar winds
are effective, and if the Pop. III formation rate is larger
than we expect by a few orders of magnitude. If our
Pop. III star formation rate is correct, identification of
Pop. III hBH0s depends on initial conditions and single
star models. If stellar winds are ineffective, and amin =
10, typical Pop. III hBH0s have a peak at mb,p ∼ 30 or
45M, and have high spins, although we may overesti-
mate the BH spins. They can be distinguished from the
observed BH-BHs. GW 170729 should be the most prob-
able candidate as Pop. III hBH0s among the observed
BH-BHs. We cannot conclude that the other events are
Pop. III BH-BHs, even if they are.
4.1.2. Binaries including hBHs (hBH1 and hBH2)
Mar´ıa Ezquiaga & Holz (2020) have shown that the
current GW observatories are most sensitive to BH-BHs
with the total masses of ∼ 200M, which is similar to
the total masses of hBH1s and hBH2s. They have also
estimated that the upper limit of merger rates of such
BH-BHs is ∼ 0.01 yr−1 Gpc−3. Since the merger rates
of Pop. III hBH1s and hBH2s for td = 10 − 15 Gyr
are ∼ 0.001 − 0.01 yr−1 Gpc−3 (see Figure 9), Pop. III
hBH1s and hBH2s may be discovered soon. Hence, we
discuss about properties of Pop. III hBH1s and hBH2s,
and their difference from others.
Both the hBH1s and hBH2s are most probably to have
mb,p ∼ 130−180M, which are equal to He core masses
of stars with MZAMS = 250 − 300M. The mass range
is independent of initial conditions and single star mod-
els (see sections 3.3.2 and 3.3.3). Note that the lower
side depends on the maximum He core mass of PISN
(Mc,He,DC = 135M), and that the upper side depends
on the maximum MZAMS of Pop. III stars we set. The
range of mb,s can be ∼ 10− 50M for Pop. III hBH1s,
and ∼ 130− 180M for Pop. III hBH2s.
Pop. III hBH1s probably have primary BHs with small
spins |−→χ p| . 0.2 regardless of initial conditions and sin-
gle star models (see Figures 21 and 22). This is because
they lose their H envelopes through common envelope
evolution, and have large td. The secondary spins de-
pend on single star models: |−→χ s| ∼ 1 for ineffective wind
models (see Figure 21), and |−→χ s| ∼ 0 or 1 for effective
wind models (see Figure 22). In either case, the hBH1s
should have χeff . 0.2, since the secondary BH masses
are much smaller than the primary BH masses. Pop. III
hBH2s tend to have primary and secondary BHs with
small spins |−→χ p| . 0.2 and |−→χ s| . 0.2 independent of
initial conditions and single star models (see Figures 25
and 26). Thus, their χeff is also small, such that . 0.2.
We discuss about differences of BH-BHs with hBHs
between Pop. I/II and Pop. III stars. Several BH merg-
ers can form hBHs in globular clusters (GCs) (Rodriguez
et al. 2019), and nuclear star clusters (NSCs) at galactic
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centers (Antonini & Rasio 2016). If they merge again
another BH, they can be detected by the current GW ob-
servatories. The striking difference between GC/NSC-
origin hBHs and Pop. III hBHs is spin magnitude. The
former hBHs have high spins due to BH-BH mergers,
while Pop. III hBHs have low spins described above.
Although Belczynski & Banerjee (2020) have suggested
BH-BH mergers can sometimes produce low-spinning
hBHs in NSCs, the fraction of low-spinning hBHs should
not be high.
In open clusters (OCs), hBHs can be formed through
mergers of MS and CHeB/ShHeB stars (Di Carlo et al.
2019b). The resulting hBHs can have low spins simi-
larly to Pop. III hBHs. However, the ratio of OC-origin
hBH2 to OC-origin hBH1 should be quite small, since
two hBHs are formed in one OC at a low probabil-
ity. In fact, they have not reported hBH2 mergers in
OCs. On the other hand, the ratio of Pop. III hBH2
to Pop. III hBH1 is larger than 0.1 (see Figure 9). In
both GCs and OCs, mergers of BHs and MSs (or post-
MSs) can make hBHs via BH Thorne-Zytkow objects
(Banerjee 2019). Their properties should be similar to
hBHs formed through mergers of MS and CHeB/ShHeB
stars, since these processes are similar except for types
of colliding stars.
Triple and quadruple systems (TS and QS, respec-
tively) could yield hBH1s and hBH2s, respectively. Fra-
gione et al. (2020) have considered the formation of
hBHs in quadruple systems through BH-BH mergers.
Since BH-BH mergers results in highly-spinning hBHs,
such hBH1s and hBH2s are quite different from Pop. III
hBH1s and hBH2s. Let us examine whether hBHs
are formed through mergers of MS and CHeB/ShHeB
stars in TSs and QSs, and they can merge another
lBHs/hBHs. Tanikawa et al. (2020a) have found that
hBHs can be formed through this process only when
outer binaries have separations of & 200R. Merging
timescale of two 200M BHs is larger than 15 Gyr, if the
separation is & 200R, and eccentricity is zero. Since
the internal velocity is several 100 km s−1, natal kicks
with several 100 km s−1, which is comparable to our
natal kicks, are required for their mergers. If they can
merge, we cannot distinguish them from Pop. III hBH1s
and hBH2s by spins, since they should have low spins.
However, since the number ratio of QSs to TSs should be
less than unity, and the probability that two hBHs are
formed in QSs should be less than the probability that
one hBHs are formed in TSs, the event ratio of hBH2s
to hBH1s should be much less than unity. Then, we can
distinguish them from Pop. III hBH1s and hBH2s by
the event ratio of hBH2s to hBH1s.
We compare our BH-BHs with Pop. III BH-BHs
formed dynamically (Liu & Bromm 2020). Our BH-
BHs have the PI mass gap between ∼ 50 − 130M
due to PPI/PISN. On the other hand, the latters have
a mass gap between ∼ 90 − 250M for the following
reason. Each BH evolves as a single star, and do not
lose its mass through binary interactions, such as mass
transfer, common envelope, and rotationally enhanced
stellar winds. Thus, its ZAMS-BH mass relation should
be like the top panel of Figure 3. Moreover, if a dynami-
cal formed BH-BH contains a BH with ∼ 90−250M, it
should have a high spin, since it gets extra mass through
gas accretion. Eventually, by hBH masses and spins, we
can distinguish whether Pop. III BH-BHs are formed
through binary evolution or dynamical interaction.
Mangiagli et al. (2019) have examined merger rates
of Pop. I/II hBH1s and hBH2s. Their merger rates are
∼ 10−2 yr−1 Gpc−3, comparable with merger rates of
Pop. III hBH1s and hBH2s we estimate. It may be dif-
ficult to distinguish Pop. III hBH1s and hBH2s from
Pop. I/II ones if we confine ourselves to discussing about
merger events in the current universe. Although Man-
giagli et al. (2019) have not presented detail properties,
such asmb,p, mb,s,
−→χ p, and−→χ s distribution, these prop-
erties may be similar among Pop. I/II/III hBH1s and
hBH2s, since all of them are formed through binary evo-
lution.
Liu et al. (2019) (see also Liu et al. 2020) have dis-
covered a 70M BH in LB-1, and have raised the possi-
bility that massive BHs can be formed more easily than
previously thought (Groh et al. 2019; Belczynski et al.
2020b). Then, Pop. I/II hBH1s and hBH2s may be also
formed more easily. However, there are many opposite
opinions against the presence of a 70M BH in LB-1
(Irrgang et al. 2020; Simo´n-Dı´az et al. 2020; El-Badry &
Quataert 2020b,a; Yungelson et al. 2020; Abdul-Masih
et al. 2020; Eldridge et al. 2020; Tanikawa et al. 2020a;
Bodensteiner et al. 2020). Thus, we do not take into
account the possibility here.
We summarize this section. Pop. III BH-BHs with
hBHs (hBH1s and hBH2s) can be identified from others,
independently of initial conditions and single star mod-
els. Pop. III ones can be distinguished from GC/NSC
ones, since the formers and latters have low and high
spins, respectively. Pop. III ones can have a higher ra-
tio of hBH2 events to hBH1 events than OC and TS/QS
ones. Pop. III BH-BHs formed through binary evolution
have different mass and spin distributions from those
formed through dynamical interactions. Pop. III hBH1s
and hBH2s are difficult to be identified from Pop. I/II
ones formed through binary evolution if we confine our-
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selves to discussing about merger events in the current
universe.
4.2. Future GW observatories
Future ground-based GW observatories, such as Ein-
stein telescope (Punturo et al. 2010; Maggiore et al.
2020) and Cosmic explorer (Reitze et al. 2019), can de-
tect hBH0s at the high-redshift universe. Moreover, fu-
ture space-borne GW observatories, such as LISA and
DECIGO (eLISA Consortium et al. 2013; Kawamura
et al. 2006, respectively), can observe hBH1s and hBH2s
at the high-redshift universe. In this section, we discuss
about the td dependence of Pop. III hBH0s, hBH1s, and
hBH2s, and suggest clues to identify Pop. III BH-BHs
from other BH-BHs.
If Pop. III hBH0s dominate observed BH-BHs, BH-
BH merger rates should be proportional to t−1d beyond
redshift of ∼ 10. This can be a clue to assess whether
Pop. III BH-BHs dominate the observed BH-BHs, or
not, as discussed in Nakamura et al. (2016).
When amin = 10, stellar winds are ineffective, and na-
tal kicks are not as strong as those we adopt in the kick
models, we could identify Pop. III hBH0s to observe the
time shift of the lower peak from 20M to 35M in
the mb,p distribution (see Figure 14). Moreover, these
hBH0s have primary and secondary BHs with high spin
parameters, ∼ 1 (see Figure 15), although we may over-
estimate the spins. This td dependence is quite different
from BH-BHs formed in other places. Santoliquido et al.
(2020) do not find the cosmic evolution of mass distribu-
tions of BH-BHs formed through binary evolution and
open clusters. Although BH-BH masses can evolve if
GC-origin BH-BHs are dominant, they masses should
decrease with time, since more massive BHs join in BH-
BHs and merge at an earlier time (Tanikawa 2013, e.g.).
It may be difficult to identify Pop. III hBH0s from
others if amin = 200, stellar winds are effective, or natal
kicks are as strong as we adopt. This is because the
td dependence disappears. In this case, hBH0s tend to
have mb,p ∼ 45M (see the bottom panels of Figure 16
and the bottom-left panel of Figure 17) and lower spins
with td (see Figure 18). However, other hBH0s should
have similar features.
There is a possibility that Pop. III BH-BHs with hBHs
(hBH1s and hBH2s) dominate other hBH1s and hBH2s.
If so, their td distributions should be proportional to t
−1
d
beyond redshift of ∼ 10. This is a distinct feature from
other hBH1s and hBH2s. Pop. III hBH1s and hBH2s
have such td distributions, since Pop. III stars, hBH1s,
and hBH2s are formed during a short time at the high-
redshift universe. Other hBH1s and hBH2s should not
have such td distributions. Since NSCs, OCs, TC/QCs,
and binaries are formed continuously, their td distri-
butions should be nearly constant. Although GCs are
formed in a short time at a redshift z ∼ 2, their hBH1s
and hBH2s are newly formed in GCs long after the GC
formation era. Thus, its td distribution should be less
sensitive to td than Pop. III td distribution.
The hBH masses in Pop. III hBH1s do not change
with td, while the lBH masses become larger with td
(see Figure 20), although this dependence is deleted by
stellar winds or natal kicks as strong as we adopt. The
spin magnitudes of the hBHs become smaller with td,
while those of the lBHs keep ∼ 1 throughout td if stellar
winds are ineffective (see Figure 21), and become smaller
with td if stellar winds are effective (see Figure 22).
The maximum hBH masses in Pop. III hBH2s become
larger with td if amin = 10, stellar winds are ineffective,
and natal kicks are not as strong as we adopt (see Fig-
ure 24). At an early time, hBH2s are formed through the
CE4 channel. Thus, the progenitors of hBHs lose their
H envelopes, and their He core masses determine the re-
sulting hBH masses. On the other hand, at a later time,
they are formed through the CE0 channel. H envelopes
of the hBH progenitors can contribute to the resulting
hBH masses. However, for the case of amin = 200 or the
presence of stellar winds, the td dependence also disap-
pears, since the CE0 channel does not work by these
effects. For the case of strong natal kicks, the td depen-
dence also disappears, since the CE0 channel contributes
to hBH2 formation at an early time. The spin magni-
tudes of two hBHs become smaller with td regardless of
initial conditions and single star models.
We summarize this section. Pop. III hBH0s have lBHs
with larger mass for larger td, and with large spin ∼ if
amin = 10, stellar winds are ineffective, and natal kicks
are not as strong as we adopt. This td dependence could
be clues to identify Pop. III hBH0s from others. How-
ever, it disappears if amin = 200, stellar winds are ef-
fective, or natal kicks are as strong as we adopt. The
td distributions of Pop. III hBH1s and hBH2s (∝ t−1d )
should be quite different from those of others. This
should be most helpful to identify Pop. III hBH1s and
hBH2s from Pop. I/II ones formed through binary evo-
lution discussed in section 4.1.2.
5. DISCUSSION
So far, we assume that Pop. III stars have small stellar
rotations at their ZAMS times. However, they can have
large stellar rotations. In fact, poloidal magnetic field
around Pop. III stars is weaker than the turbulent field
and toroidal field (Sharda et al. 2020). Thus the mag-
netic breaking effect to spin down the protostar could
be inefficient. Furthermore, the abundant Nitrogen in
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EMP stars suggests that the Pop III stars are fast rota-
tors (e.g. Choplin et al. 2019). If they have large stellar
rotations at their ZAMS times, they can switch on CHEs
(e.g. Yoon et al. 2012, for Pop. III stars). Here, we make
two simple models for Pop. III binary evolutions under
CHEs, and estimate BH-BH merger rates. In the first
model, we assume that a whole star evolves to a nHe star
without stellar wind mass loss, and that a binary does
not change its orbit without any interactions, such as
tidal interaction, mass transfer and common envelope.
The assumption of no binary interaction can be justified
by the fact that the stars enter into CHEs due to their
initial rotations (not due to tidal spinup), and do not
expand so much. Such a resulting nHe star experiences
supernovae and PPI/PISN described in section 2.1, and
leaves NS, BH, or no remnant. Since a nHe star with
. 10M and 45− 65M loses a part of its mass at su-
pernova, the binary orbit should be changed. However,
we ignore this effect for simplicity. In the second model,
we assume that a star evolves to a nHe star, losing 30 %
of its ZAMS mass due to stellar winds, which is roughly
consistent with results of Yoon et al. (2012). We adia-
batically change binary orbital parameters through the
stellar winds so that the binary period is inversely pro-
portional to square of the total mass, and the eccentric-
ity is constant. The nHe star experiences supernovae in
the same way as the first model, and the supernovae do
not change the binary orbital parameters.
Figure 30 shows the delay time distribution of Pop. III
hBH0s, hBH1s, and hBH2s when all the Pop. III stars
CHEs. If amin = 10, the hBH0, hBH1, and hBH2 merger
rates for the CHE case are comparable to, or more than
those for the non-CHE cases in the present-day universe
(td = 10− 15 Gyr). Since we ignore stellar mergers be-
fore stars collapse to BHs, we overestimate the merger
rates for td . 0.1 Gyr. However, binaries forming BH-
BHs with td ∼ 10 Gyr have much larger semi-major axes
than nHe star radii, and thus they should not experience
stellar mergers before their members collapse to BHs.
Thus, the merger rates for td ∼ 10 Gyr should be cor-
rect. If amin = 200, hBH0s and hBH1s never merge at
any time. If we take into account stellar wind mass loss,
even hBH2s have no chance to merge for td ≤ 15 Gyr.
This shows that amin plays a crucial role if Pop. III stars
have large stellar rotations, and enter into CHEs. Here,
we stop discussing about CHEs. It is beyond of the scope
of this paper to determine amin and whether Pop. III
stars enter into CHEs or not.
We set λCE = 1 in section 3. However, λCE is quite un-
certain, and Klencki et al. (2020) have shown λCE can be
0.01. For the optiq0.0a1e1 and optiq0.0a2e2 models, we
change λCE to 0.1 and 0.01, and perform binary popula-
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Figure 30. Delay time distribution of Pop. III hBH0s,
hBH1s, and hBH2s when all the Pop. III stars experience
CHEs with initial conditions of the optiq0.0a1e1 and op-
tiq0.0a2e2 models (the top and bottom panels, respectively).
Solid and dashed curves indicate the first and second models,
respectively.
tion synthesis calculations. Figure 31 shows their delay
time distributions. We can find that ΛCE has small ef-
fects on the merger rates of hBH0s and hBH2s in the op-
tiq0.0a1e1 models (see also Figure 9). This is because a
significant part of hBH0s and hBH2s in these models are
formed through the CE0 channel not involving common
envelope evolution. On the other hand, hBH1s in all the
models, and hBH0s and hBH2s in the optiq0.0a2e2 mod-
els are drastically decreased with λCE decreasing. This
is because they are formed through channels involving
common envelope evolution. Klencki et al. (2020) have
also reported that common envelope evolution is harder
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Figure 31. Delay time distributions of hBH0, hBH1, and hBH2 in the optiq0.0a1e1 and optiq0.0a2e2 models, where we set
λCE = 0.1 and 0.01. The left, middle, and right panels indicate the distributions of hBH0s, hBH1s, and hBH2s, respectively.
to take place than previously thought, when a donor
star is massive (≥ 40M), and a BSG star. If so, the
dependence on λCE would become more strong.
In section 3, we obtain BHs in the PI mass gap, how-
ever their masses are at most ∼ 55M. We examine
initial conditions and single star models in which BHs
with ∼ 80M emerge. Note that the possible maximum
mass of BHs in the PI mass gap is ∼ 85M in our single
star model (see Figure 3). We modify the optiq0.0a1e1
model, and prepare the following initial conditions. We
extend the maximum semi-major axis from 2000R to
105R, and account for natal kicks with σk = 50 km s−1.
We call this parameter set “PI-mass-gap” model.
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Figure 32. Delay time distribution of Pop. III BH-BHs in
the PI-mass-gap model. Here, the maximum mass of lBHs is
defined as 50M, and the minimum mass of hBHs is defined
as 130M.
Figure 32 shows the delay time distribution of Pop. III
BH-BHs in the PI-mass-gap model. The merger rate
densities of hBH0s, hBH1s, and hBH2s are similar to
those in the optiq0.0a1e1 model (see black curves in the
upper panels of Figure 9). We can find BH-BHs with
BHs in the PI mass gap. Their merger rate densities of
mb,p > 50M and mb,p > 65M is ∼ 10−4 yr−1 Gpc−3
for td = 10 Gyr. Even Pop. III BH-BHs with two
BHs in the PI mass gap are present, although their
merger rate is quite small. Among the main 16 model,
the kickq0.9a2e2 model has the most BH-BHs with
BHs in the PI mass gap. The merger rate density of
mb,p > 50M is comparable to that of the PI-mass-gap
model. On the other hand, the merger rate density of
mb,p > 65M is much smaller than that of the PI-mass-
gap model. Actually, the number of the BH-BHs is too
small to calculate the merger rate density. In contrast to
the main 16 models, the PI-mass-gap model can have a
plenty of BH-BHs with BHs in the PI mass gap ranging
from 50M to 85M.
We draw a schematic picture of a formation channel
for BH-BHs with BHs in the PI mass gap in Figure 33.
There are two key points. First, the two stars do not
fill their Roche lobes until the 1st-evolving star collapses
to the 1st BH. Thus, the 1st-evolving star keeps its H
envelope, avoids PPI/PISN effects owing to its small He
core with < 45M, and leaves a BH in the PI mass
gap (see also Figure 3). Note that the 1st-evolving star
is mildly spun up by the tidal field of the 2nd-evolving
star, however it loses little mass even if we consider ro-
tationally enhanced stellar winds. Second, a natal kick
exerted on the 1st BH makes the binary eccentricity ex-
tremely high (∼ 0.99), since the natal kick velocity is
comparable to the orbital velocity of the binary. Then,
the 2nd-evolving star expands, touches the 1st BH, and
drives common envelope evolution. These two points
finally make compact BH-BHs.
We discuss about whether BHs can have natal kicks
of ∼ 50 km s−1. There are several observational con-
straints on BH natal kicks. The natal kicks we adopt
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Figure 33. Example binary evolution leading to a BH-BH
containing a BH in the PI mass gap.
are consistent with the upper limits (∼ 100 km s−1) de-
rived from X-ray binaries with BHs (Willems et al. 2005;
Wong et al. 2012). Some of X-ray binaries with BHs
should get high natal kicks comparable to NSs (Repetto
& Nelemans 2015; Repetto et al. 2017; Mandel 2016;
Gandhi et al. 2019, 2020). The spin-orbit misalignment
of GW 190412 needs natal kicks of several 100 km s−1, if
GW 190412 is formed through binary evolution (Olejak
et al. 2020; Safarzadeh & Hotokezaka 2020). There are
several theoretical studies. In fact, all the progenitors of
BHs in the PI mass gap in our model have spin angular
momentum larger than that of a BH with spin parame-
ter of unity. Such BH progenitors should form accretion
disks and involve mass ejections at their collapses (Batta
& Ramirez-Ruiz 2019). From the accretion disks, one-
side jets can be launched, and give high natal kicks to the
BHs themselves (Barkov & Komissarov 2010). Thus, it
may be possible that BHs get natal kicks of ∼ 50 km s−1.
However, we note that, since this channel accompanies
common envelope evolution, the merger rate could be
decreased, if λCE is smaller.
Sugimura et al. (2020) have shown possibility that
Pop. III stars can be usually born as stable multiple sys-
tems. There may be many interesting respects in stable
multiple systems: the formation of BHs in the PI mass
gap (Fragione et al. 2020; Tanikawa et al. 2020a), excita-
tion of binary eccentricity through Kozai-Lidov mecha-
nism (Kozai 1962; Lidov 1962), and so on. However, ini-
tial conditions of Pop. III multiple systems are much less
clear than those of binary stars. We will study Pop. III
multiple systems as GW sources in future.
6. SUMMARY
We perform binary population synthesis calculations
to obtain the merger rate of Pop. III BH-BHs by means
of the BSE code with extensions to very massive Pop. III
stars. Our BSE code has several novel features. The ex-
tensions enable us to follow Pop. III stars up to 300M,
which include stars overcoming PISN and leaving BHs
above the PI mass gap. We take into account PPI/PISN
effects for binary population synthesis of Pop. III stars.
We implement rotationally enhanced stellar wind into
our BSE code. In our BSE code, natal kicks tilt BH spin
vectors from binary orbit vectors, and the angles can be
recorded. We use our BSE code, and investigate proper-
ties of Pop. III BH-BHs, and their dependence on single
star models (natal kicks and stellar winds), and initial
conditions (qmin and amin).
We can categorize Pop. III BH-BHs into three sub-
populations: hBH0s, hBH1s, and hBH2s. This is be-
cause the PPI/PISN effects make the PI mass gap be-
tween ∼ 50 − 130M. The lower limits of the merger
rates of hBH0s and the sum of hBH1s and hBH2s are
∼ 0.1 yr−1 Gpc−3 and ∼ 0.01 yr−1 Gpc−3, respectively.
These merger rates are independent of single star mod-
els and initial conditions. Since Pop. III BH-BHs have
several formation channels, initial conditions have small
effects on their merger rates. Natal kicks we adopt have
velocities comparable to or smaller than internal veloc-
ities of Pop. III BH-BHs, and thus they do not affect
their merger rates so much. Pop. III stars lose their H
envelopes through common envelope evolution as well as
stellar winds. The presence of stellar winds has minor
effects on Pop. III BH masses.
Pop. III hBH0s have the higher (∼ 45M) and lower
(∼ 30M) peaks in their merger rate densities in the
optiq0.0a1e1 model. The higher peak is formed through
the swept-up effects of PPI. The half of BHs have zero
spins. The lower peak is unique to Pop. III stars, which
is found by Kinugawa et al. (2014). Moreover, we find
the lower peak shifts from ∼ 20M to ∼ 35M with
td. Most of BHs in the lower peak have high spins ∼ 1,
although we may overestimate the spins. The presence
of the higher peak is robust against initial conditions and
single star models. However, the fraction of BHs with
zero spins increases by amin = 200 and stellar winds.
The lower peak is fragile against initial conditions and
single star models. The difference of qmin has no effect
on the features. However, the lower peak disappears for
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amin = 200 and the presence of stellar winds. Although
natal kicks do not erase the lower peak, they delete the
time-shift feature. If the lower peak is present, BHs in
the lower peak have high spin ∼ 1.
In the optiq0.0a1e1 model, Pop. III hBH1s have three
features; they do not merge for td . 0.1 Gyr, the mb,p
distribution has a plateau in 130 − 180M and tail in
180 − 200M, and the mb,s distribution has a peak at
25−40M, and the peak shifts from light to heavy with
td. The hBHs have low spins . 0.2, and the lBHs have
high spins ∼ 1. The hBH1 features are robust against
amin. If qmin = 0.9, hBH1s themselves disappear. The
reason why the total merger rate of hBH1s and hBH2s
are robust against qmin is that the merger rate of hBH2s
compensates for that of hBH1s. Natal kicks erase the
td dependence. Stellar winds erase the tail of the mb,p
distribution, and reduce the peak location of the mb,s
distribution to ∼ 20M.
In the optiq0.0a1e1 model, for td . 0.1 Gyr, Pop. III
hBH2s have mb,p = 130 − 180M and mb,s = 130 −
180M, and their 2D mass distribution has a triangle-
like shape. For td & 0.1 Gyr, they have mb,p = 130 −
200M and mb,s = 130 − 180M, and their 2D mass
distributions have parallelogram-like shapes. BH spins
decrease with td, and most of BHs have ∼ 0.2 in the
current universe. If initial conditions are different from
the optiq0.0a1e1 model, and stellar winds are switched
on, the 2D mass distributions have triangle-like shapes,
and most of BHs have zero spins in the current universe.
Natal kicks erase the td dependence.
Although their merger rate may be much smaller than
inferred from the LIGO/Virgo observations, we could
identify Pop. III hBH0s from observed BH-BHs, in an
ideal case where initial conditions are similar to amin =
10 and qmin = 0.0, stellar winds are inactive, and natal
kicks are not as strong as those we adopt. They are most
likely to have ∼ 30 or ∼ 45M, and high spins ∼ 1.
These features might be similar to those of GW170729.
Future GW observatories may detect conclusive Pop. III
BH-BHs, a group of BH-BHs with high spins, and with
peaks which shift from light to heavy with td.
Pop. III hBH1s and hBH2s can be discovered soon by
the current GW observatories. Their masses range from
∼ 130M to ∼ 180M, depending on the minimum He
core mass overcoming PISN, and the maximum ZAMS
mass of Pop. III stars, respectively. They have small
effective spins (. 0.2) due to hBHs with small spins
(. 0.2). The ratio of hBH2 events to hBH1 events is
quite high, & 0.1. These features can be clues to identify
Pop. III hBH1s and hBH2s from others. Future GW
observatories should find their merger rates are clearly
∝ t−1d if Pop. III hBH1s and hBH2s dominate BH-BHs in
this mass range. The total merger rate of Pop. III hBH1s
and hBH2s can be decreased if Pop. III stars have only
wide binaries with & 100R, and if λCE ∼ 0.01.
Pop. III BHs in the PI mass gap can merge if Pop. III
binaries have initial semi-major axes of ∼ 104R, and
BHs have natal kicks of ∼ 50 km s−1. The merger rate
density is smaller than that of Pop. III hBH0s by 3 or-
ders of magnitude.
In the worst scenario, the merger rates of Pop. III
hBH0s, hBH1s, and hBH2s can be decreased to nearly
zero. The worst scenario is realized if the two following
conditions are satisfied at the same time. First, Pop. III
stars can form only wide binaries with separations of
& 100R. It is possible, since Pop. III stars expand to
∼ 100R in their protostellar phases. Second, Pop. III
stars have enough fast rotations to excite CHEs from
the beginning time, which is supported by the theo-
retical study of Pop III star formation as well as the
observation of EMP stars. In order to assess whether
these conditions are satisfied, or not, we need extremely
high-space and long-term hydrodynamical simulation of
Pop. III star formation. The simulation should consider
chemical evolution, radiative transfer, magnetic fields,
and so on. Such simulation should be prohibitive on the
current status. We expect that computational technol-
ogy rapidly evolves to achieve the above simulation, or
that conclusive detections of Pop. III BH-BHs conversely
rule out the worst scenario.
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